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Abstract
Classical B-emission (Be) stars are rapidly-rotating, massive stars that possess a dense, equa-
torial, gaseous disk. The presence of a disk was first inferred from the Balmer series emission
that these stars exhibit, and Hα emission lines remain both a hallmark observational feature
and one of the key diagnostics in determining the physical conditions within the disk.
In the first chapter of this thesis, we investigate the possible role of line-driven winds in
disk formation. To test if line-driven winds could supply enough material to account for the
equatorial disk, we check for the presence of Hα emission in the models that result from dif-
ferent combinations of line-force parameters. We find that certain combinations of line-force
parameters can indeed produce significant Hα emission, and that line-driven winds may be an
important mechanism in removing material from the central star.
The next chapter of this thesis employs the code Beray to perform a detailed study of the
Hα emission profiles of Be shell stars. Modelling the peak height and separation of these
profiles gives an indication of the average density structure of the disk, although in some cases
we found that more than one density structure could adequately reproduce these features. This
finding indicates that, ideally, other observables should be simultaneously considered in order
to constrain the models. It was found, however, that the absorption depth of the synthetic Hα
profiles was relatively insensitive to the choice of density structure, depending instead largely
on the inclination angle of the model. Thus, the inclination angles of these stars are determined
to within a few degrees in our models, and we find that Be shell stars may not be oriented as
close to 90° as originally thought.
The final chapter of this thesis investigates the density structure of an asymmetric disk
surrounding the well-known Be shell star 48 Librae. We begin our study with a thorough
investigation of the central star’s spectral type (as it is not well-determined and has a significant
impact on all other aspects of the model) by modelling the star’s spectral energy distribution
(SED). Next, the SED and polarization levels are used to determine the inclination angle of
the system. We then employ the HDUST code to model an observed Hα emission profile.
We consider each peak separately, and then average the initial densities required to reproduce
each peak to obtain the average initial disk density. We find that 48 Librae is best represented
by a B3V central star surrounded by a very dense disk whose average initial density is 1.1 ×
10−10g cm−3, and that the system is oriented at 85°.
Keywords: circumstellar matter — hydrodynamics — line: formation — line: profiles —
stars: emission-line, Be
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Chapter 1
Introduction
The most fundamental stellar property is mass; a star’s mass largely governs the entire course
of its life cycle and determines its ultimate fate. The vast majority of all stars (∼80%) have
masses less than or equal to the sun’s mass: such stars burn away with surprising constancy for
billions of years, and when their fuel is exhausted they eventually cool and fade. Conversely,
massive stars are much rarer, but have a far greater impact on their immediate surroundings
and the Universe as a whole. Massive stars burn brightly and quickly; their lifespans are of the
order of millions of years — just a fraction of a low-mass star’s. Associated with this violent
burning are strong winds and radiation pressure, which shape the local interstellar medium
(ISM) and trigger new episodes of star formation. Their deaths — dramatic supernovae —
release spectacular amounts of energy into the ISM and enrich it with heavy elements. From
an anthropological point of view, it is difficult to overstate the importance of the heavy elements
provided by massive stars, as they are requisite in the formation of terrestrial planets and all
known life forms.
Be stars are a specific kind of massive star that possess a dense, gaseous, circumstellar
disk. The disks are transient, forming and dissipating on a timescale of years to decades, which
makes Be stars ideal laboratories for studying disk evolution. Furthermore, their disks are not
shrouded in dust like the nascent disks that surround young protostars (making them more
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directly accessible to observation) but they share much of the same physics; hence, results
from Be star research can often be applied to protostars. Moreover, there exist numerous
other types of stars with circumstellar disks and/or envelopes (e.g., B[e] stars, luminous blue
variables (LBVs) and planetary nebulae, to name just a few), and advances in Be star research
can further these fields of study as well. An additional defining characteristic of Be stars is their
rapid rotation — they are, in fact, the most rapid rotators of all non-degenerate stars, making
them excellent laboratories for studying stellar rotation. Although these examples do not form
an exhaustive list, they serve to illustrate that the Be phenomenon is one whose study has a
broader relevance extending to many other branches of astrophysics.
This chapter is devoted to a thorough introduction to Be stars and the interpretation of
their spectra. Section 1.1 provides a brief recapitulation of the physics of stellar spectra, and
Section 1.2 reviews the definition of Be stars. Next, in Section 1.3, the main observational
properties of Be stars are outlined, which is followed by a discussion of Be star winds and disks
in Section 1.4. A key property of Be stars is their variability, and thus this topic is examined
in detail in Section 1.5. There are several open questions in Be star research — rotation rates,
binarity, magnetism, and their evolutionary status — and these are discussed in Section 1.6. A
summary and closing remarks are given in Section 1.7.
1.1 The Physics of Stellar Spectra
1.1.1 Stellar Radiation
Almost nothing was known about the stars until the early 19th century when a German opti-
cian by the name of Joseph von Fraunhofer invented the spectroscope. Turning his invention
towards the sun, he found it to have a continuous spectrum interrupted by hundreds of dark
lines. It was not until the mid-19th century, however, that Gustav Kirchhoff and Robert Bunsen
showed that these dark lines were atomic absorption lines. The realization that the lines in
the spectrum arose from atoms in the sun, and that other stars besides the sun showed similar
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patterns of lines, was the first small step in the long journey towards understanding the stars.
Visible starlight originates from gases in the outer surface of the star — the photosphere.
The gases deep inside the star also emit light, but it is absorbed before it can escape, and the
low-density gas above the photosphere (the corona) is too thin to emit significant amounts of
light. Thus the photosphere is, by definition, a layer of gases dense enough to emit significant
amounts of light, but thin enough to allow photons to escape.
Of course, visible light is just one small portion of the electromagnetic spectrum, which
spans from gamma rays at the high energy extremum to radio waves at the low energy ex-
tremum. When discussing stellar radiation, we refer to it either in terms of its wavelength, λ,
or its frequency, ν. Because light travels with a constant velocity (c), these two quantities obey
the relation λν = c. Furthermore, the energy carried by an individual photon can be written
E = hν = hc/λ, where h is Planck’s constant.
To a fair approximation, stars emit as blackbody radiators. Examining the properties of
blackbody radiation can aid in understanding some basic properties of stars, such as why they
appear as different colours or why massive stars are intrinsically higher energy objects than
their lower mass counterparts (see the discussion below). The fact that stars radiate as black-
bodies is also fundamental to understanding the formation of a stellar spectrum (discussed
further in Section 1.1.2.
The wavelength distribution of blackbody radiation is given by the Planck function:
Bν(T ) = 2hν
3
c2
1
ehν/kBT − 1 (1.1)
.
In some instances, it may be more convenient to express the Planck function in terms of
wavelength:
Bλ(T ) = 2hc
2
λ5
1
ehc/λkBT − 1 (1.2)
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where T is the temperature of the blackbody, and the physical constants are the velocity of light
c = 2.998 × 1010 cm s−1, the Boltzmann constant kB = 1.380 × 10−16 erg K−1, and the Planck
constant h = 6.626× 10−27 erg s−1. Spectral energy distributions for three sample temperatures
are shown in Figure 1.1.
Figure 1.1 Spectral energy distribution of the Planck function. The ordinate gives Bλ, the
radiation energy per unit wavelength, and the abscissa is the wavelength in Angstroms.
The wavelength at which a star radiates the most energy (λmax) depends only on the star’s
temperature, and is obtained by determining the wavelength at which the condition ∂Bλ/∂λ = 0
is met. The result is:
λmaxT = 2.890 × 107(ÅK) (1.3)
where λmax is in Angstroms and T is the star’s temperature in Kelvin. This is Wien’s displace-
ment law, and it explains why cool stars look red and hot stars look white or bluish white. The
very hottest stars look distinctly blue, and radiate most of their energy in the ultraviolet.
If we integrate Bλ(T ) in Equation 1.2 over the whole wavelength range and amalgamate all
of the resulting physical constants into one simplified constant σ = 2π5k4/(15c2h3) = 5.67 ×
10−5 erg cm−2 s−1 K−4, we obtain the Stefan-Boltzmann law:
E = σT 4 (1.4)
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where E represents the total energy emitted, σ is the Stephan-Boltzmann constant, and T is the
temperature in Kelvin. From this law it is readily apparent that the energies of massive stars
are tremendously larger than those of their lower-mass counterparts.
1.1.2 The Formation of a Spectrum
There are three kinds of spectra: continuous, absorption line, and emission line spectra. Gustav
Kirchhoff (1842–1887) empirically determined three rules, known as Kirchhoff’s laws, that
summarize the formation of spectra:
1. An incandescent solid or an opaque gas under high pressure will radiate a continuous
spectrum.
2. A low density, hot gas will radiate an emission line spectrum.
3. An absorption line spectrum results when continuous radiation passes through a low
density, cool gas before it reaches the observer.
The stellar spectrum is formed as light travels outward from the hot centre of the star, pass-
ing through the cooler gases near the stellar surface. Hence, a stellar spectrum is normally an
absorption spectrum: the denser layers of the photosphere emit blackbody radiation and gases
in the atmosphere of the star absorb their specific wavelengths, producing what appears to us
as dark lines on a bright background if we are examining the emergent stellar light. Modern
astronomers, however, rarely work with spectra as bands of light; spectra are usually recorded
digitally and plotted as graphs of intensity versus wavelength. In this format, the aforemen-
tioned “dark lines” appear as dips in the intensity.
The wavelengths at which these dips in intensity occur are governed by the composition of
the star and the corresponding atomic energy levels. Furthermore, the temperature of the star
will dictate which transitions occur, as well as the strength of those transitions. For example,
the Balmer absorption lines are produced by hydrogen atoms whose electrons are in the second
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energy level. If the star is cool, most of the electrons will be in the ground state, and thus only
weak Balmer absorption lines will be found in the spectrum. On the other hand, if the star is
very hot, many electrons will be excited far beyond the second energy level, and the Balmer
absorption lines will again appear quite weak in the spectrum. A star of some intermediate
temperature, however, will have just the right amount of energy to excite large numbers of
electrons to the second energy level. The gas then strongly absorbs Balmer-wavelength photons
and produces a strong Balmer line in the spectrum.
Temperature has a similar effect on the spectral lines of other elements, but the tempera-
ture at which they reach maximum strength differs for each element. When the relative line
strengths of many atoms are examined simultaneously, the temperature of the star can be de-
duced with a fair amount of precision.
1.1.3 Spectral Line Profiles
The variation of flux across a spectral line is colloquially referred to as its “shape”. This shape
is represented by a line profile, a graph of brightness as a function of wavelength across a
spectral line.
A stellar line profile has a definite width. Even in the absence of all other effects, spectral
lines are not perfectly narrow owing to quantum mechanical effects which cause electrons to
have energy levels which are not perfectly defined, allowing electrons to absorb a narrow band
of photons with slightly different energies. However, if this were the only factor influencing
profile widths, spectral lines would typically be only 10−6 − 10−3 nm (10−5 − 10−2 Å) wide.
The width of a spectral line due solely to quantum mechanical effects is called its natural
width. In most cases, the natural width becomes negligible in comparison with the width
introduced by other factors. Three factors that normally have significant line-broadening effects
are: thermal Doppler broadening, collisional broadening, and the rotational Doppler effect.
Briefly, thermal Doppler broadening is the broadening introduced by the random thermal
motions of the gas atoms; thus, this effect is intrinsically proportional to the temperature of the
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star and becomes more noticeable at higher temperatures. Collisional broadening is a measure
of how much width is introduced by collisions between atoms, which perturb the atomic energy
levels, and it therefore depends mainly on the density of the gas. Finally, the rotational Doppler
effect factor refers to the amount of broadening caused by the star’s projected rotational velocity
(i.e., its v sin i). The rotation causes one side of the star to recede from the observer (thereby
redshifting the wavelengths of light received from that portion of the star) and the other side
to approach the observer (blueshifting the wavelengths). Larger v sin i have a proportionally
larger effect, but for any stars rotating with more than a few tens of km s−1, this effect is usually
the dominant line-broadening mechanism.
One additional factor that must always be considered when examining line profile shapes
is the orientation of the star’s rotation axis to the observer’s line of sight; though it is usually
difficult to determine unambiguously, the inclination angle i can have a drastic effect on the
profile’s appearance. Consider, for instance, the extreme case where a star is viewed pole-
on (i = 0°). Then, the rotational Doppler effect will be nearly completely absent, and the
spectral lines will appear quite sharp (narrow) even though the star may in reality be rotating at
several hundred km s−1. This illustrates that while it is useful to understand the main physical
processes that affect the appearance of spectral lines, it is prudent to be cautious when drawing
conclusions from a line profile’s appearance alone, as typically the interplay of several factors
must be considered.
1.2 Defining the Classical Be Star
The working definition of a classical Be star given by Collins (1987) is: “a non-supergiant B
star whose spectrum has, or had at some time, one or more Balmer lines in emission”. This
simple definition is technically correct, but it is not specific enough to uniquely define Be stars.
For instance, it does not distinguish classical Be stars from other kinds of B-type stars with
emission caused by different physical mechanisms than those present in a classical Be star.
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Furthermore, the definition makes no reference to one of the most important physical charac-
teristics of Be stars: their rapid rotation rate. Therefore, for the remainder of the work presented
in this thesis, we use the term “(classical) Be star” to refer only to a rapidly-rotating, B-type
star of luminosity class III–V that possesses, or has possessed at some time, a geometrically
thin, equatorial, gaseous, decretion disk that orbits the star with Keplerian or near-Keplerian
rotation.
Be stars are thus a special subclass of B-type stars. The B-type stars represent the second
hottest class of main sequence stars (they are surpassed only by the O-type stars), but their
spectral class spans a fairly large range of effective temperatures, from 10,000 K to 30,000 K.
The corresponding masses and radii of such stars, considering the luminosity classes III–V, are
M∗ ∼ 3.6 − 20M⊙, and R∗ ∼ 2.7 − 15R⊙ (Cox, 2000).
It is estimated that 15-20% of all B-type stars are in fact Be stars, though they seem to
occur preferentially at earlier spectral types with peak incidence occurring at the B2 spectral
type. Table 1.1 gives a compilation of the fractional occurrence of Be stars by spectral type.
1.3 Main Observational Properties of Be Stars
1.3.1 Emission in the Optical Portion of the Spectrum
First and foremost, Be stars are those B-type stars that exhibit emission lines in the Balmer
series. The first recorded discovery of such a feature is from 1866, when Padre Angelo Sec-
chi observed the Be star γ Cassiopeiae and found a very bright emission line in place of the
expected absorption line at Hβ (Secchi, 1867). It was later realized that all Be stars emit at
Hα, and while Hβ emission is also common, it is a not a universal property of Be stars. In the
cases where both Hα and Hβ emission is present, emission may extend to higher-order Balmer
series members as well, though Hα emission is always strongest, and emission strengths de-
crease for the higher-order Balmer transitions (Jaschek & Jaschek, 1987). This can be partly
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Table 1.1. The fraction of Be stars among B-type stars
Spectral Type Fraction
O8 - 09.5 0.06
B0 - B1 0.13
B1.5 - B2.5 0.18
B3 0.10
B4 - B5 0.15
B6 - B7 0.12
B8 0.07
B9 0.04
B9.5 0.03
A0 - A1 0.01
Note. — From Jaschek
& Jaschek (1987).
understood by examining the Einstein A coefficients (which describe spontaneous emission)
of the transitions: A32 = 4.4078884 × 107 s−1, while A42 = 0.84152447 × 107 s−1, and higher-
order transitions have even lower Einstein A coefficients (Johnson, 1972). In addition to this,
it appears that the Hα emitting region is largest and higher-order lines form in the inner disk
regions, which further explains why Hα emission is the predominant spectral feature of these
stars. Finally, the equivalent width of Hα emission lines appears to reach a maximum at the B2
spectral type and decrease markedly towards the late-type Be stars (see Figure 1.2), suggesting
that early-type Be stars have envelopes that are more developed than late-type Be stars (Kogure
& Leung, 2007).
Hα emission line profiles are classified into three types based on their appearance: singly
peaked, doubly peaked, and shell spectra. The classical explanation for the differing profiles
is the differing angles of the observer’s line-of-sight with respect to the rotational axis of the
star. This model was first proposed by Struve (1931), and is still largely accepted. An updated
version of Struve’s model is shown in Figure 1.3. While the explanation holds true in many
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Figure 1.2 Equivalent width of the Hα emission line as a function of spectral type for Be stars.
Open circles are values from Slettebak et al. (1992) and filled circles are those of Mennickent
et al. (1994). Circles connected by a line represent the same star observed at different epochs.
Figure from Kogure & Leung (2007).
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cases, Silaj et al. (2010) showed that it is possible to obtain line profiles of differing shapes at
a fixed inclination angle by changing the disk density structure alone, and therefore the star’s
inclination angle is not the sole factor governing the line profile shape.
Figure 1.3 Schematic illustration of a rapidly rotating Be star with a flared disk. The three
main types of profile shapes are shown. According to the diagram, an observer located at point
A (i = 0°) would see the Hα emission profile as singly peaked, while an observer at point B
or C (mid-inclination angles) would see a doubly peaked profile, and the observer at point D
(i = 90°) would see a shell spectrum for the same star. Figure from Rivinius et al. (2013).
When two emission peaks are present, the violet (V) and red (R) peak are not always of
the same strength. In fact, they very often differ in width or intensity or both; the physical
properties of the star+disk system responsible for this phenomenon are discussed in further
detail in Section 1.5.2.
In addition to the Balmer lines, Be stars show singly ionized metals, and sometimes neutral
helium, in emission in their optical spectra as well. Neutral helium lines, especially λ = 5876Å,
may appear in the earliest Be stars, but the appearance of Fe ii emission lines is more frequent,
occurring in stars of spectral types between B0 and B5. An interesting feature of the Fe ii
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emission lines is that changes in their intensity parallel changes in the strength of the Balmer
emission lines, i.e., both strengthen and weaken simultaneously (Jaschek & Jaschek, 1987).
Finally, lines of other singly ionized metals, such as Ti ii, Si ii, and Mg ii, are also sometimes
found in emission in the spectra of Be stars (Porter & Rivinius, 2003).
1.3.2 Infrared and Radio Regime
The most important lines in the near infrared (IR) portion of the spectrum are those of the
Paschen series. This series is usually seen in absorption, but in some early-type Be stars it can
be seen in emission. This typically occurs for those early-type Be stars with intense Balmer
emission (Jaschek & Jaschek, 1987). Furthermore, if Paschen lines are in emission, the star
has an infrared excess (Briot, 1981). Examining the Paschen series lines probes the conditions
of the inner disk; Andrillat et al. (1990) found the outer radius of the Paschen series emitting
region to be ∼ 4R∗.
The excess in infrared continuum radiation seen in Be stars spans the range from almost
lacking to very significant, and can readily be explained as the reprocessing of incident stellar
radiation by the circumstellar disk. Gehrz et al. (1974) were among the first to show that near-
IR excess emission could be explained by free–free emission, while circumstellar dust could
not produce the observed near-IR energy distribution.
Be stars also show excess flux due to free–free emission in the far-IR and radio regime.
Also at this portion of the spectrum, there is often an observed change in the spectral energy
distribution in that it steepens considerably as it transitions from the far-IR into the radio. This
is usually interpreted as some structural change far away (i.e. at a large radial distance) from
the central star (Waters et al., 1991; Waters & Marlborough, 1994).
Naturally, dense, extended disks cause a much greater IR excess than their diffuse or trun-
cated counterparts. Figure 1.4 shows the observed IR spectra for two stars.
As hydrogen recombination lines and the infrared excess are both thought to originate in
the circumstellar disk, numerous authors have investigated their relationship. Ashok et al.
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Figure 1.4 Infrared energy distributions of ϕ Per (upper panel) and δ Cen (lower panel). The
solid line represents standard Kurucz models of photospheric emission and the dark points
represent actual IR measurements. The dotted line represents the combined contributions from
the photospheric and disk radiation. Figure from Waters (1986).
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(1984) showed there exists a positive correlation between the infrared luminosity LIR and the
Hα emission intensity LHα in Be stars (see Figure 1.5). More recently, van Kerkwijk et al.
(1995) compared the equivalent width (EW) of Hα lines to the (J − L) color diagram for Be
stars, and found a similar correlation. While there is some scatter in the observed correlation,
the general trend that stronger Hα emission corresponds to a greater IR excess, and vice versa,
is confirmed.
Figure 1.5 Correlation of IR luminosity and Hα emission in Be stars. The straight line shows
LIR/LHα = 102. Figure from Ashok et al. (1984).
1.3.3 Ultraviolet and X-Ray Observations
No significant difference is seen between Be and normal B-type stars in the ultraviolet portion
of the spectrum (Figure 1.6). Photospheric absorption lines and absorption lines due to stellar
winds are found in the spectra of both Be and B-type stars. The stellar wind absorption lines
are distinguished from typical photospheric absorption lines by their high excitation and large
terminal velocities (Kogure & Leung, 2007). Their presence indicates the existence of hot stel-
lar winds with low gas densities, and their broad profiles signify high outflow velocities. These
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hot, fast-flowing stellar winds seem confined to high stellar latitudes and are typically treated
as a separate component from the relatively cool, disk-like envelopes with higher gas densities
that surround the equator of Be stars. Stellar winds are discussed further in Section 1.4.
Figure 1.6 Comparison of UV absorption lines for B-type stars (open circles) and Be type stars
(filled circles). Be-shell stars are distinguished with triangles. Equivalent widths (top panel)
and relative intensities (middle panel) of photospheric lines, as well as the equivalent widths of
wind-origin lines (bottom panel) are shown. Figure from Slettebak (1994).
X-rays can arise in the spectra of Be stars from two distinct sources: (1) Be/X-ray binary
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systems, in which X-ray emission arises as gas flows from the Be star and accretes onto its
compact companion, and (2) the stellar winds of Be stars. The X-ray luminosity of Be stars
spans from ∼ 1032 erg s−1 in early-type Be stars down to ∼ 1028 erg s−1 in late-type Be stars,
which is approximately the same span found in normal B-type stars (Kogure & Leung, 2007).
Some data indicate X-ray activity may be modestly enhanced in Be stars compared to non-
emission B-type stars, but qualitatively, it is not much different (Cohen, 2000). X-ray spectra
are generally soft, and attributable to thermal emission from gas in the temperature range 1 −
3 × 106 K. There are several proposed mechanisms of X-ray production, but the presence of
shocks in the stellar winds is the most widely accepted explanation (Cassinelli et al., 1994).
1.3.4 Linear Polarization
The scattering of light from the central star that occurs when it interacts with free electrons
in the highly flattened, ionized disk causes it to be polarized perpendicular to the scattering
plane. Thus, for a geometrically thin disk, the polarization direction will be perpendicular
to the disk plane. The first detection of intrinsic polarization in Be stars was made by Behr
(1959), and it has been established by Yudin (2001) that 95% of Be stars exhibit polarization
levels of 0% < p < 1.5%, with maximum polarization being ∼2%. Ghosh et al. (1999) have
shown that polarization levels are low for those stars with weak Hα emission, and that they
increase with increasing Hα emission. Halonen & Jones (2013) have shown that the expected
polarization level increases with increasing disk density for a set of theoretical models. Fur-
thermore, they show that the inclination angle of the star+disk system can have a strong impact
on the predicted polarization measurements (see Figure 1.7), meaning that polarization levels
have tremendous potential to aid in an unambiguous determination of the system’s inclination
angle.
The linear polarization observed in Be stars shows a distinct wavelength dependence. In
particular, there is an abrupt change in polarization levels at the Balmer and Paschen series
limits (λ = 3646Å and λ = 8203Å, respectively) owing to the increase of bound–free absorp-
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tion coefficients in these regions (i.e., changing disk opacity). Wood et al. (1997) modelled
the SED and polarization signature of the well-known Be star ζ Tau, and found that a geomet-
rically thin envelope gave good agreement with most of the observed spectrum, illustrated in
Figure 1.8. The large discrepancy of linear polarization in the UV region between the model
and the observation arises from the model failing to account for the depolarizing effect of the
light travelling through the disk once it has been scattered (Bjorkman, 2012), but otherwise
their model provides strong support that Be star disks are geometrically thin.
Figure 1.7 Polarization level as a function of inclination angle for a B2V star with a circum-
stellar disk of varying initial density ρ0. In these models, it is assumed that the initial density
in the equatorial plane falls off with increasing radial distance from the star according to an
n = 3.5 power-law (also see Section 1.4.2 for a fuller discussion of the parameters ρ0 and n).
Figure from Halonen & Jones (2013).
1.4 Circumstellar Environs
Be stars can be thought of as consisting of three components: (1) the central star, which is
a rapidly rotating B-type star of luminosity class III–V, (2) a hot, diffuse, line-driven wind
emanating from the poles, and (3) a denser, cooler, gaseous component that surrounds the star
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Figure 1.8 Model fitting of the SED and observed polarization in ζ Tau. Upper panel: observed
spectrum (thin line) and thin disk model (thick line). Lower panel: corresponding linear po-
larization measurements (thin line) and model (thick line). Figure from Wood et al. (1997).
and is largely confined to the equatorial plane.
The polar wind observed in Be stars seems to be largely understood. Stellar winds are
common to all massive stars, and originate from the transfer of momentum through spectral
lines, or line-driving, as detailed in Castor et al. (1975). Line-driven wind theory applied to
B-type stars gives predicted mass-loss rates and terminal velocities that are in good agreement
with those observed in B-type stars and the polar winds of Be stars. It thus appears that the
polar winds of Be stars are quite similar to the winds of normal B-type stars.
In contrast, the mechanisms responsible for the production and maintenance of the equa-
torial disk are as of yet not fully understood. This remains, in fact, one of the major areas
of ongoing research in Be stars. The following sections will summarize the current state of
knowledge of various aspects of Be star disks.
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1.4.1 Disk Geometry
Struve (1931) first proposed that Be stars are surrounded by circumstellar gas in the form of
a flattened, equatorial disk. This view was largely accepted until the 70’s and 80’s, when
alternate geometries (mainly spherical shells) for the circumstellar material were proposed.
The geometry of the gas then became the subject of intense debate for many years. Recently,
however, a consensus regarding the geometric distribution of the gas has been emerging, owing
largely to interferometric studies which have been able to confirm the aspherical geometry of
the emitting region.
Interferometric observations at radio wavelengths of the Be star ψ Persei confirmed that the
radio emission was from a non-spherical distribution of thermally radiating gas (Dougherty &
Taylor, 1992). This important result was followed by numerous optical interferometric studies
that also confirmed the non-spherical geometry of the circumstellar emission (Quirrenbach et
al., 1994; Stee, 1995; Quirrenbach et al., 1997; Tycner et al., 2005; Stee, 2011).
The confirmation of a non-spherical geometry does not conclusively prove a disk geometry,
as an oblate envelope also possesses a flattened geometry. The opening angles determined for
the circumstellar matter, however, do strongly suggest that the matter is arranged in a disk.
From interferometric observations and spectropolarimetry, Quirrenbach et al. (1997) placed an
upper limit of 20° on disk opening angles. This probably represents an extreme upper limit to
the disk opening angle, as no other authors have determined values this large. For comparison,
Quirrenbach et al. (1997) also determined the opening angle of ζ Tau to be ∼20°, whereas
Wood et al. (1997) found a value of 2.5° was required from their modelling. From a statistical
study of Be-shell stars, Porter (1996) determined a characteristic opening angle value of 5°,
and a similar study conducted by Hanuschik et al. (1996) found a value of 13°, but also noted
that the opening angle is an increasing function of radius, which is evidence for disk flaring.
Discrepancies in the values seem to originate from varying sample sizes and, more importantly,
differences in the techniques used to determine the opening angles, as some probe the inner
regions of the disk and others probe larger disk radii. Nonetheless, all of the results suggest
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that the circumstellar disks are relatively thin.
Interferometric observations can be used to derive further disk properties. Tycner et al.
(2005) used such data to show that the size of the Hα-emitting region is directly related to
spectral type, with stars of earlier spectral type having larger Hα-emitting regions, which can
be attributed to the amount of ionizing radiation received from the central star. Furthermore,
the Hα luminosity exhibits a clear dependence on the linear size of the envelope. This implies
that the Hα emission forms in an optically thick region of the circumstellar disk.
1.4.2 Density and Temperature Structure of the Disk
By examining the IR continuum excesses of Be stars (discussed in Section 1.3.2) Waters (1986)
proposed that the density distribution of the disk can be approximated by a power-law with an
index n as follows:
ρ(r) = ρ0(r/R∗)−n. (1.5)
Here, ρ0 denotes an initial density at the stellar surface, R∗ is the stellar radius, and r ≥ R∗ is
the radial distance. Waters et al. (1987) found that n is typically between 2 and 3.5. This ad
hoc description of the density has been adopted by many authors, and has proven to reproduce
the average properties of Be star observables.
More recently, the viscous decretion disk (VDD) model has also been shown to successfully
reproduce many Be star observables (see, e.g. Carciofi et al. 2009). This model assumes that
the disk density structure is governed by viscous effects, and employs the viscosity parameter
αvisc of Shakura & Sunyaev (1973) to describe the disk. In the simplest case of an isothermal,
isolated disk, VDD theory predicts that the equatorial disk density is governed by a power-law
with a slope of n = 3.5. However, non-isothermal disks or the presence of a binary companion
can cause n to deviate from 3.5, and non-isothermal viscous diffusion results in a complex
density distribution which is not well represented by a simple power-law (Carciofi , 2011).
The temperature structure of the disk is not so easily deduced; for simplicity, many early
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works assumed either an isothermal disk, or that the temperature of the disk decreased with
increasing radial distance from the star according to a power-law relation. However, Millar &
Marlborough (1998) developed a method to determine the disk temperature at various locations
in the disk in a self-consistent way by enforcing radiative equilibrium. It was found that large
variations in temperature can occur due to the complex interplay of many factors such as the
chemical composition of the disk, the many heating and cooling rates that must be considered,
and the adopted density structure of the disk. Therefore, disk temperature structures need
to be determined on an individual basis through numerical simulations, once the other disk
parameters have been well-constrained.
1.4.3 Disk Kinematics
In order to model line profiles, the disk kinematics are required. The two main cases that
were considered for Be star disks were (1) angular momentum conserving disks, and (2) disks
undergoing Keplerian rotation. In the case of an angular momentum conserving disk, the
azimuthal velocity falls as the inverse of the distance from the star (vφ ∝ r−1), but in Keplerian
rotation, vφ ∝ r−1/2. Synthetic line profiles created from each of these two models are usually
very similar, and therefore it is difficult to determine which of the two cases is correct from
spectroscopic analysis alone.
Some of the first evidence that the disks must be in Keplerian rotation came from V/R
variations, which are understood as a one-armed density oscillation precessing in the disk (see
Section 1.5.2). To successfully model the precession period of the variations, which is much
longer than the orbital period of the disk particles, Keplerian or near-Keplerian motion is re-
quired, as other choices of the velocity structure render the oscillations unstable.
Additional evidence for Keplerian rotation came from Hummel & Vrancken (2000), who
determined the rotational velocity structure from both line profile modelling and the compari-
son of interferometric and spectroscopic disk radii, and found it to be in good agreement with
a Keplerian velocity structure. Only recently have results from spectrally resolved interferom-
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etry and spectroastrometry of emission lines finally confirmed Keplerian rotation (Meilland et
al., 2007; Delaa et al., 2011; Kraus et al., 2012; Wheelwright et al., 2012).
The symmetric appearance of doubly-peaked Hα line profiles suggests there is no large-
scale outflow in the disk. Furthermore, the examination of optically thin shell lines of Fe ii
provides no evidence for radial motions within the disk (Hanuschik, 2000). Therefore, all
of the kinematic evidence points to a disk whose azimuthal velocity field is dominated by
Keplerian rotation with very little radial flow.
1.4.4 Angular Momentum
Since the central stars in Be star+disk systems do not appear to be rotating at their critical
velocities, angular momentum must be continually supplied at the inner disk boundary to form
and maintain a circumstellar disk, and prevent re-accretion. Comparing the specific angular
momentum (L = mvφr) of the star and the disk at the star/disk boundary (i.e. r = R∗), it is
clear that the star possesses ∼ 1010 times the specific angular momentum of the disk given that
the mass of the central star is, on average, ∼ 10M⊙ while the disk mass is typically ∼ 10−10 or
10−9M⊙, and the rotational velocities of the star and disk are of the same order of magnitude
even if they are not exactly equal. Thus, it seems reasonable that the star can supply the
disk with the required angular momentum; however, the actual mechanism responsible for
transferring the angular momentum from the star to the disk is not known.
Within the disk itself, if it is in (circular) Keplerian rotation (see Section 1.4.3, above), vφ
is proptional to r−1/2, which necessarily means that the specific angular momentum is propor-
tional to r1/2. Thus, L increases with increasing radial distance from the star — for instance,
material ejected at the stellar surface must have its specific angular momentum doubled to reach
an orbit of 4R∗ — which implies a torque must be acting on the material in order to maintain a
Keplerian orbit. VDD theory (discussed in Section 1.4.2) proposes that viscous shear accom-
plishes this task, i.e. the gas viscosity (which, recalling from above, is also responsible for the
density distribution in the disk) is responsible for the angular momentum distribution in the
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disk as well.
1.5 Variability
A Be star that shows little or no variation in its line profiles from one epoch of observation
to another is the exception. Be stars can exhibit several kinds of variations in their spectra,
which are classified as short-term if they occur on timescales in the range of minutes to days,
or long-term if they occur on timescales of years to decades.
1.5.1 Short-term Variations
Variations occurring on timescales ranging from minutes to days, and the spectral lines that
show such variations, seem to implicate either the photosphere or the immediate circumstellar
environment as their formation region (Porter & Rivinius, 2003). Short-term variations are
of great interest as they potentially provide the additional mechanism required to transform
a rapidly rotating B-type star into a Be star (see Section 1.6.1 for a fuller discussion). The
three main types of short-term variations are: (1) pulsation, (2) rotational modulation, and (3)
transient features and X-ray flares.
Significant line profile variability (LPV) on timescales from hours to several days can be
explained by nonradial pulsation (NRP) (Baade, 1982). Stellar spots (Balona, 1990) and coro-
tating clouds (Balona, 1995) are also proposed viable mechanisms to explain LPV, but numer-
ous investigations of a few well-observed objects support NRP as a prevalent cause. Rivinius
et al. (2003) found that in at least 80% of early-type Be stars, LPV can be explained by NRP.
Examining UV spectrophotometric variability, Smith (2001) also found evidence of pulsation.
The LPV associated with NRP usually present as dips or bumps travelling through the pro-
files. They are characterized by oscillation periods of about 0.1-3 days and velocity amplitudes
from 3 km s−1 (the detection limit) to 20 km s−1. Furthermore, the amplitude of radial motion is
within about ±0.02 of the stellar radius, and the variation of the surface temperature due to the
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oscillation is about ±2000 − 3000K (Kogure & Leung, 2007). See Figure 1.9 for an example
of how such NRP present in the profiles.
Figure 1.9 Short-term periodic line profile variability of Mg II 4481 in ω CMa. Observations
(dashed lines) are modelled (solid lines) as NRP. Phase increases from bottom to top with the
profile shifted an arbitrary distance above the continuum for clarity. Figure from Maintz et al.
2003.
Rotational modulation — variation in the stellar spectrum corresponding to the time of one
full rotation — was first proposed to be due to ordinary starspots (Porter & Rivinius, 2003).
Further investigation, however, revealed that such starspots would have to be too large and
too cool to be consistent with the observed photometric amplitudes (Balona, 1995). Later hy-
potheses suggested that the circumstellar environment could be the source of the rotational
modulation, but numerical simulations could not produce a structure capable of accounting for
the observations (Porter & Rivinius, 2003). It should be noted the LPV periods are not gener-
ally rotational. Rotational modulation seems to be of most importance in a few exceptional Be
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stars which are not adequately described by NRP.
Many Be stars exhibit spectral variations on even shorter timescales than those already
mentioned, and such variations are hence referred to as transient features. Numerous stars have
shown blueshifted absorption features that can form in less than 10 minutes and have typical
lifetimes of about one hour. Localized shocks and mass ejections associated with nonradial
oscillations could be responsible for producing such features (Penrod, 1986). Other kinds of
transient features have led to the picture of magnetic flaring (see, e.g., Smith, Robinson &
Corbet (1998) and later papers of that series). Interaction between the stellar disk and the
magnetic field could lead to the ejection of high-velocity plasmoids, some of which, if they
were to impact the stellar surface, could account for the hard X-ray flares observed in some Be
stars (Porter & Rivinius, 2003).
1.5.2 Long-term Variations
Many Be stars have been observed to experience phase changes from Be stars to normal B-
type stars and back again. Such phase changes are usually on timescales of several years
to several decades, and can be readily interpreted as the formation and destruction of disks.
Other long-term variations occur within the emission or Be phase, such as transitions between
singly and doubly peaked line profiles, or even a transformation between Be and Be-shell
stars. As discussed in Section 1.3.1, in the classical view, different line profile shapes arise
due to the inclination angle of the star’s rotational axis to the observer. For any particular
star, the inclination angle should be fixed, and thus phase changes of the latter type can only
be explained by structural changes in the stellar envelopes. Silaj et al. (2010) showed it is
indeed possible to produce models with different line profile shapes at a fixed inclination angle
by changing the disk density structure alone, which provides a possible explanation for the
changing profile appearance that some stars exhibit.
Another kind of long-term variation of great importance often occurs in Be stars with
double-peaked emission. These are the so-called violet-to-red (V/R) variations, named as such
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because of the cyclic asymmetry demonstrated by the changing peak heights in the violet (V)
and red (R) components of the spectrum. It is estimated that approximately one-third of all Be
stars show such cyclic variations, which again are on timescales of years to decades (Hanuschik
et al., 1996).
Figure 1.10 V/R variations in γ Cas spanning a twenty year (1970-1990) period. The upper
and lower parts of the ordinate give the values of V/R and R/V , respectively. Different symbols
denote values by different observers. Figure from Horaguchi et al. 1994.
Increasing evidence suggests that V/R variations are best interpreted as a one-armed density
oscillation precessing in the disk (Okazaki, 1991, 1996), which is also referred to as the global
oscillation model. It has been known for some time that one-armed density oscillations are the
only modes supported in geometrically thin, near-Keplerian disks (Kato, 1983). Starting with
an undisturbed, axisymmetric Keplerian disk, Okazaki imposed an oscillation pattern of the
form exp[i(ωt − mϕ)], where ω = 2πν denotes the circular frequency, ϕ the phase, and m the
mode of oscillation, which is set to m = 1 for one-armed oscillations. Using this, he was able
to obtain areas of enhanced density in his models. Theoretical calculations of the resultant Hα
profiles arising from such a disk showed well-defined V/R variability with oscillation periods
ranging from several years to several decades, which matches observed periods of V/R ratios
(Okazaki, 1996). Furthermore, the global oscillation model has been used to successfully
reproduce the slow, quasi-cyclic V/R variation observed in δ Cen (Hanuschik et al., 1995).
More recently, it has been employed to successfully reproducing the polarimetric, photometric,
spectrophotometric and interferometric observations of the classical Be star ζ Tauri (Carciofi
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et al., 2009).
1.6 Current Research Areas
1.6.1 Rotation Rates
When compared to a sample of normal B-type stars, the rotation rates of Be stars prove to
be systematically higher on average. In fact, as a group they rotate more rapidly than any
other kind of non-degenerate star. This rapid rotation gives their photospheric absorption lines
large widths that, when converted to velocity units, correspond to several hundred km s−1. Of
course, these line-width velocity measurements represent the rotational velocity of the star v
multiplied by the sine of the inclination angle of the pole to the viewer’s line of sight, or v sin i.
This explains why a small number of Be stars have been observed to have v sin i on the order
of 10 km s−1 (Yudin, 2001) — statistically, it is to be expected that a few stars will be oriented
towards us in a nearly pole-on (i ≈ 0) configuration.
Numerous authors have also found that average v sin i values for Be stars increase for later
spectral types (Slettebak, 1982; Fukada, 1982; Zorec & Briot, 1997; Yudin, 2001; Cranmer,
2005). This finding holds true for Be stars of all luminosity classes. However, Yudin (2001)
found that the ratio of v sin i/vcrit (where vcrit represents the critical or break-up velocity) in-
creases from dwarf to subgiant/giant luminosity classes for early-type stars (O-B1.5 and B2)
(although this relation was not as apparent in the middle and late spectral types). They explain
this phenomenon in terms of the more rapid evolution that is expected of high-mass stars. Since
the main sequence lifetime of a B0 star is significantly shorter than for a B9 star1, it is likely
1An estimate of a star’s main sequence lifetime (τMS) can be obtained by comparing its evolution with solar
evolution and using the empirical mass-luminosity relationship for main sequence stars (L ∝ M3.5). Assuming
our Sun’s main sequence lifetime is approximately 1010 yrs (Sackmann et al. 1993),
τMS ∼ 1010yrs ·
(
M∗
M⊙
)
·
(
L⊙
L∗
)
= 1010yrs ·
(
M∗
M⊙
)−2.5
where M∗ and L∗ are the mass and luminosity of the star, respectively, and M⊙ and L⊙ are the solar mass and
luminosity, respectively. Assuming a mass of 17.50M⊙ for a B0V star and a mass of 3.29M⊙ for a B9V star yields
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that most late O and early B-type stars are of luminosity class III and IV and are therefore on
a secondary contraction phase (that has accelerated their rotation) while the later Be stars, on
average, are not.
The discovery that Be stars are rapid rotators was made early on, and the earliest disk
formation theories invoked it to explain how mass from the central star could effectively be
stripped off to create the circumstellar disk (Struve, 1931). However, Slettebak (1979) showed
that Be stars do not rotate at their break-up velocities (vcrit =
√(GM∗/Re)), and Porter (1996)
found the distribution of rotational velocity as a function of break-up velocity to be sharply
peaked at ∼ 0.7vcrit. Similarly, Chauville et al. (2001) found v sin i/vcrit to be ∼ 0.8. These
values are too low for rapid rotation alone to account for the mass loss. Even though it has
been proposed that it is the combination of high rotation and other “weak” processes that move
the stellar material into orbit (Owocki, 2002), it is estimated that the rotational velocity must
still be approximately 95% of the critical velocity before mass ejection will occur (Townsend
et al., 2004).
Despite these findings, rapid rotation may still play a central role in disk formation as it has
been proposed that v sin i is systematically underestimated for the fastest rotating stars (Collins
& Truax, 1995). In particular, gravity darkening (see von Zeipel 1924) can affect such stars: the
physical distortion caused by the rapid rotation effectively compresses the star vertically (i.e.
along its polar axis) and creates cooler equatorial regions whose contribution to the optical
spectrum can be so faint as to be nearly invisible. Thus, the line widths of such stars actually
appear narrower than would normally be expected, leading to the systematic underestimation
of their rotational velocities. When corrected for gravity darkening, Townsend et al. (2004)
estimate that most Be stars are in fact rotating at ∼ 0.95vcrit. This reduces the effective gravity
at the equator by an order of magnitude. Under such circumstances, known processes such
as pulsation or gas pressure can provide enough energy and angular momentum to overcome
gravitational forces and eject material into the circumstellar region.
estimated main sequence lifetimes of approximately 7.8 and 509 Myr, respectively.
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Clearly, Be star rotation is an important issue that has not yet been resolved. Further re-
search into this area is crucial as many disk formation theories are predicated on rapid rotation.
If Be stars are indeed rotating very close to their critical velocities, these theories will be val-
idated; if not, new theories will need to be developed and other avenues for disk formation
explored. In addition, the high rotation rates of Be stars provide a rigorous test for our current
models of stellar rotation, and further studies in this area will serve to enhance our overall
understanding of the effects of rapid rotation.
1.6.2 Binarity
It was once proposed that the properties of Be stars could be explained by mass transfer from a
binary companion. In fact, the characteristics of mass-exchanging binaries seemed to explain
the observed spectral changes in Be stars so well that it was hypothesized that perhaps all Be
stars were binary systems, with most having unseen companions (Krˇı´zˇ & Harmanec, 1975).
Infrared observations since that time, however, have not borne out this hypothesis: the current
census is that about one-third of Be stars are binaries, which is approximately the same for
non-Be stars (Porter & Rivinius, 2003).
Nonetheless, binarity is still an important topic in Be star research. Simulations indicate
that rapidly rotating massive stars can be created through binary processes (van der Linden,
1987), although it is not known what proportion of Be stars form in this manner versus simply
being born with a high rotation rate. Models indicate that the mass transfer period can be very
short2 (and therefore difficult to detect), and that in many scenarios the completion of mass
transfer will result in sufficient kick velocity being imparted to the companion to eject it from
the system (Gies, 2000). Thus, many Be stars may have been formed in a binary scenario, but
appear as a single star today.
2For instance, the simulations of van der Linden (1987), which considered five binary systems with masses
3 + 2, 4 + 3.2, 6 + 4, 9 + 6, and 12 + 8M⊙, found mass accretion times of approximately 0.07–0.5 Myr.
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1.6.3 Magnetism
Be stars appear to be largely non-magnetic; so far, the presence of large-scale, global magnetic
fields has been shown to be completely lacking in this group of stars (Grunhut et al., 2012).
Wade et al. (2014) examined the longitudinal magnetic field in 85 classical Be stars as part of
the MiMeS survey and found no evidence of large-scale magnetic fields from their measure-
ments, which have a median uncertainty of 103 G. However, the topic of magnetic fields is still
of some interest: small scale, local fields could help to explain some of the physical processes
in Be stars such as the angular momentum transfer to a circumstellar disk, the channelling of
stellar wind matter, and the accumulation of material in an equatorial disk. Moreover, mag-
netic fields (via magnetic torquing of the disk) could explain some of the variability that Be
stars are known to exhibit (see Section 1.5). Unfortunately, the existence of localized, weak
magnetic fields is as of yet unproven (Rivinius et al., 2013), and hence their possible role in the
Be phenomenon remains largely theoretical.
1.6.4 Evolutionary Status
Evolutionary status is another area in Be star research that is as yet not satisfactorily resolved.
Classical Be stars are, by definition, constrained to luminosity classes III–V, which places them
on, or just slightly off, the main sequence in the HR diagram. Whether Be stars are “born” or
if they evolve from B-type stars to Be stars, though, is not clear.
Most of the evidence supporting the idea that Be stars evolve from B-type stars comes from
examining stellar clusters. In general, clusters are useful testbeds for evolutionary theories
because they represent a fairly homogeneous sample of stars all formed at roughly the same
time. Mermilliod (1982) investigated Be stars in young open clusters and found the fraction
of Be stars was a maximum for clusters with main-sequence turn-offs in the O9–B3 range.
For older clusters, the fraction of Be stars was lower. Grebel (1997) investigated two young,
open clusters and found them to be rich in Be stars while the surrounding field (composed
mostly of older stars) contained very few Be stars. Such studies are often cited as evidence for
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an evolutionary trend; however, the results may simply be a consequence of the fact that the
fraction of Be stars is higher among earlier types (recall Table 1.1 from Section 1.2).
Fabregat & Torrejo´n (2000) also examined the incidence of Be stars in open clusters. They
found clusters younger than 10 Myr to be almost entirely lacking in Be stars, despite having
a complete B main sequence. Be stars appeared in clusters 10 Myr and older, with maximum
incidence occurring at 13–25 Myr. This lead them to conclude that the Be phenomenon is
a phase that arises in the latter half of a B-type star’s main sequence lifetime. They further
proposed that the Be phenomenon arises from structural changes that occur within the star
approximately half-way through the main sequence lifetime. Keller, Bessell & Dacosta (2000)
studied the Magellanic clouds and found the Be fraction to peak towards the luminosity of
the main sequence turnoff, which they interpreted as an enhancement in the Be phenomenon
towards the end of the main sequence lifetime. What remains unreconciled, however, is Zorec
& Briot (1997)’s finding that galactic field Be stars are equally present in all luminosity classes
(III–V) instead of preferentially occurring in the more evolved ones. This directly contradicts
evolutionary trend hypotheses. Thus, for the time being, the evolutionary connection of the Be
phenomenon remains unclear.
1.7 Summary and Closing Remarks
Be stars are a unique set of massive stars whose main distinguishing characteristics are rapid
rotation and the presence of a dense, gaseous circumstellar disk. Notable observables arising
from the presence of the disk are Balmer series emission lines, IR and radio excesses, and
continuum linear polarization.
Recent interferometric studies have conclusively shown that the gas surrounding Be stars is
in the form of a flattened, equatorial disk. The equatorial density structure of the disk appears
to be well approximated by an r−n power-law, as this ad hoc density structure has been shown
to reproduce many Be star observables. Studies of the disk kinematics of Be stars reveal that
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they are in Keplerian rotation with little radial outflow.
Be stars are most often variable, exhibiting spectral changes on short and long timescales.
Different physical processes and conditions within the disk are responsible for the variations.
Non-radial pulsations seem to play a large role in the short-term variations, and long-term
variations are understood as changing physical conditions within the disk, such as disk growth
or dissipation phases, or a precessing, one-armed density oscillation.
Some aspects of Be stars remain enigmatic. Unanswered questions include:
• How close to their critical velocities are Be stars rotating, and how greatly does rapid
rotation contribute to disk formation?
• What are the additional disk formation mechanisms, and how is the transfer of angular
momentum achieved?
• Are some Be stars created through binary processes?
• Are small-scale magnetic fields present in Be stars?
• Is a Be star simply an evolutionary phase through which all B-type stars eventually pass?
If not, what key factors contribute to the likelihood of becoming a Be star?
In this integrated article thesis, we present three separate but related journal articles in
which the spectroscopy of the Hα emission line profile plays a pivotal role in investigating the
physical conditions in Be star disks. These studies build on the foundation that was achieved
by first performing a systematic study of Hα emission line profiles (Silaj et al., 2010). In the
first project, presented in Chapter 2, we investigate the possible role of line-driven winds in
the formation of Hα emission, since stellar winds are common to all massive stars. In the next
project, discussed in Chapter 3, we model the Hα emission line profiles of eight Be shell stars
to determine the average densities in the disks as well as the inclination angle of the systems.
Our final project, presented in Chapter 4, examines a well-known Be shell star, 48 Librae.
In this project, we model the strongly asymmetric Hα emission line profile to quantify the
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density contrast in the disk and infer an average disk density. We demonstrate that when other
observables are employed to constrain the models, the Hα emission line profile is a powerful
diagnostic of the conditions in the disk.
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Chapter 2
The Role of Line-Driven Winds in the
Formation of Hα Profiles in Be Stars
This chapter corresponds to the article: J. Silaj, M. Cure´, and C.E. Jones, Line-Driven Winds
Revisited in the Context of Be Stars: Ω-slow Solutions with High k Values, 2014, ApJ, 795,
78.
2.1 Introduction
Current line-driven wind theory is a modification of CAK-theory—the theory describing the
mass loss due to the radiation force in hot stars as originally developed by Castor et al. (1975)—
and is therefore known as the m-CAK theory. While the original theory characterized the line
force with just two parameters—k, a constant related to the effective number of lines contribut-
ing to the driving force, and α, an index defining the mix of optically-thick and optically-thin
lines—several important additions and alterations were later made that significantly improved
the model. Abbott (1982) refined the theory by considering a greatly expanded line list, and
introduced a third parameter, δ, which describes the change in ionization throughout the wind.
Friend & Abbott (1986) and Pauldrach et al. (1986) introduced the finite disk correction factor,
representing the star as a uniform bright disk instead of as a point source. With these im-
40
2.1. Introduction 41
provements, the model has been very successful at predicting the mass-loss rates ( ˙M) and wind
terminal velocities (v∞) from very massive (i.e., O-type) stars. Additionally, it has been used to
describe other phenomena such as planetary nebulae and quasars. Attempts to apply the theory
of line-driven winds to Be stars to explain the formation of their circumstellar disks, however,
have only met with limited success. In fact, a full understanding of the exact mechanism(s)
responsible for removing material from the central star has not yet been attained. Instead, a
common approach to modelling Be star disks has been to assume an ad hoc density structure
that can reproduce the observables. One scenario that has been developed extensively is the
case in which the density distribution in the equatorial plane falls as an r−n power-law, follow-
ing the models of Waters (1986), Cote & Waters (1987), and Waters et al. (1987), who found
n ≈ 2.0–3.5 by comparing to observations of the infrared excesses of Be stars.
2.1.1 Classical Be Stars
Be stars, sometimes referred to as Classical Be stars to distinguish them from other B-type stars
with emission such as the Herbig Ae/Be stars and B[e] stars, are near-main-sequence (i.e., lu-
minosity class III-V) B-type stars that appear essentially normal in terms of their gravity, tem-
perature, and composition, but possess a geometrically thin, gaseous, circumstellar decretion
disk about their equator. The presence of the disk produces emission lines in the optical to
the near IR region of the spectrum, including one or more members of the Balmer series, He i
lines, and, typically, various metal lines as well. The Hα emission line tends to be the strongest
of the emission features, and it is often modelled to obtain the average disk properties since it
is formed over a large region in the disk.
Be stars also possess a polar wind—this is inferred from their UV lines, which are absorbed
in a low hydrogen density medium with expansion velocities of the order of ∼2000 km s−1.
The winds of normal B-type stars attain similar velocities, but while the mass-loss rates of the
earliest B-type stars are of the order of 10−8 to 10−9 M⊙ yr−1, Be stars have mass-loss rates of
the order of 10−7 to 10−9 M⊙ yr−1 (Underhill et al., 1982).
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A fundamental aspect of Be stars is their very rapid rotation, though they do not appear to
be rotating at their critical rotation rates. Porter (1996) found the distribution of rotation rates
to peak at values around 70%–80% of the critical rate. Townsend et al. (2004) argued that the
effects of equatorial gravity darkening could mean that the v sin i of Be stars was systematically
underestimated, and that they may actually be rotating much closer to their critical velocities
than this, but still found their rotation to be subcritical. The rapid rotation appears to be of
fundamental importance in the formation of the disk, but its exact role is, as yet, not entirely
clear.
Be stars are variable objects, displaying both short-term and long-term variations in the
appearance of their spectral lines. Significant line profile variability, such as dips or bumps
travelling through the profiles, on timescales from hours to several days, can be explained by
nonradial pulsation (NRP; Baade 1982). Long-term variations, such as phase changes from
the Be phase to a normal B-star phase (and back again) are usually on timescales of several
years to several decades, and can be readily interpreted as the formation and destruction of
disks. Other long-term variations can occur within the Be phase, such as transitions between
singly and doubly peaked Hα line profiles, or even a transformation between a Be and Be-
shell phase. Changes of this nature are most commonly understood as structural changes in the
disk. Finally, approximately one-third of Be stars exhibit V/R variations, which present as a
cyclic asymmetry with changing peak heights in the violet and red components of the emission
lines. The one-armed disk oscillation model of Okazaki (1991, 1996) has proven successful
in replicating these variations, and is generally accepted as the current best model to describe
this aspect of Be stars. To date, however, there exists no physical model that fully describes all
aspects of the dynamic nature of Be star disks simultaneously.
2.1.2 Overview of Previous Work
Many attempts at employing line-driven wind theory to describe the Be star phenomenon have
been made. Some early examples include Marlborough & Zamir (1984), who considered the
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effects of rotation in a radiation-driven stellar wind and applied the results to Be stars, Poe &
Friend (1986) who employed a rotating, magnetic, radiation-driven wind model to Be stars,
and de Araujo & de Freitas Pacheco (1989), who included rotation effects and the simula-
tion of viscous forces in the equations of motion and applied the resulting model to Be stars.
The wind-compressed disk (WCD) model of Be stars by Bjorkman & Cassinelli (1993)—a
two-dimensional hydrodynamic model that proposed a meridional current compressing and
confining the equatorial material into a very thin disk—was initially very promising, but later
calculations by Owocki et al. (1996) that included the nonradial line force components and the
effects of gravity darkening showed that these two factors can inhibit the formation of a WCD
structure.
While m-CAK theory properly describes the polar wind of Be stars, a recurring problem
that pervades the models described above is that they exhibit large equatorial expansions that
result in terminal velocities that are too large, typically of the order of ∼1000 km s−1. A hydro-
dynamical model by Stee & de Araujo (1994) found a peak separation of 2000 km s−1 between
the V and R peaks of their model Hα profile, representative of the excessive width of Hα pro-
files computed from radiative wind models. According to Poeckert & Marlborough (1978), the
fitting of Hα profiles requires terminal velocities of the order of ∼200 km s−1.
Cure´ (2004) found a new physical solution to the one-dimensional nonlinear m-CAK hy-
drodynamic equation—the Ω-slow solution—that possesses a higher mass-loss rate and much
lower terminal velocity (roughly one-third of the standard solution’s terminal velocity). Fur-
thermore, this solution only emerges when the star’s rotational velocity is larger than ∼75%
of the critical velocity. This offers a natural explanation of Be stars: the poles correspond to
a nonrotational case, and therefore exhibit a fast outflowing, low-density wind, while the fast
rotation across the equator causes the emergence of a wind characterized by a greater mass
outflow and lower terminal velocity.
In this work, we solve the one-dimensional (1D) hydrodynamic equation for the Ω-slow
solution, and compare the resultant mass-loss rates and terminal velocities with those typically
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assumed for Be stars. In Section 2, we provide a brief recapitulation of the momentum equa-
tion of the wind, as well as an overview of a typical ad hoc model used to describe Be stars.
In Section 3, we numerically solve the hydrodynamic equations for the Ω-slow solutions. We
start from the line-force parameters of Abbott (1982), and then consider α and k as free param-
eters in a systematic fashion, by first varying α while holding the other line-force parameters
constant, and then repeating the exercise for various values of k. We show the emergence of
a new behaviour for wind solutions with high k values. Additionally, we compare the equato-
rial density structure obtained from the line-driven wind solution with the ad hoc power-law
distribution that is the standard assumption for Be star disks, and we show the resultant Hα
profiles (computed by using the two different equatorial density structures as input for the code
Bedisk, and allowing the vertical structure to be computed by the code under the assumption
of approximate hydrostatic equilibrium). In Section 4, we provide a summary, and discuss our
conclusions and future work.
2.2 Theory
The m-CAK model for line-driven winds requires that we solve both the radial momentum
equation,
v
dv
dr = −
1
ρ
dp
dr −
GM(1 − Γ)
r2
+
v2φ(r)
r
+ gline(ρ, dvdr , nE) (2.1)
and the equation of mass conservation,
˙M = 4 π r2 ρ v. (2.2)
In these expressions, v is the fluid velocity, ρ is the mass density, p is the fluid pressure, Γ
is Eddington parameter, vφ = vrotR∗/r, where vrot is the star’s rotational speed at the equator,
and gline(ρ, dv/dr, nE) is the acceleration due to the lines. The line-force term given by Abbott
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(1982), Friend & Abbott (1986), and Pauldrach et al. (1986) is:
gline =
C
r2
fD
(
r, v,
dv
dr
) (
r2v
dv
dr
)α (
nE
W(r)
)δ
. (2.3)
The coefficient C depends on ˙M, W(r) is the dilution factor, and fD is the finite-disk correction
factor. The reader is referred to Cure´ (2004) for a detailed derivation and the full definitions
of all variables, constants and functions. A key result of Cure´’s work was that by introducing
the coordinate change u = −R∗/r,w = v/a, and w′ = dw/du, with arot = vrot/a where a is the
isothermal sound speed, the momentum equation becomes
F(u,w,w′) ≡
(
1 − 1
w2
)
w
dw
du + A +
2
u
+ a2rotu − C′ fD g(u)(w)δ
(
w
dw
du
)α
= 0. (2.4)
The standard method of solving this nonlinear differential equation (2.4) and obtaining
C′(M) (the eigenvalue) is to require the solution to pass through a critical point, defined as the
roots of the singularity condition,
∂
∂w′
F(u,w,w′) = 0, (2.5)
together with a constraint at the stellar surface (i.e., a lower boundary condition) whereby the
density is set to a specific value,
ρ(R∗) = ρ∗. (2.6)
A regularity condition, namely,
d
duF(u,w,w
′) = ∂F
∂u
+
∂F
∂w
w′ = 0, (2.7)
is also imposed at the critical point in order to find a physical wind solution. As shown in
Cure´ (2004), the analysis of these equations revealed the existence of a new family of singular
points, and proved that the standard m-CAK solution vanishes at high rotational velocities.
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In this work, we use a high rotational velocity (vrot/vcrit = 0.90) for our central star, and
find the solutions to the above equations (solutions that necessarily come from the new family
of solutions) with the Hydwind1 code to obtain the equatorial density structure of the wind
as a function of radial distance from the central star. This density structure is compared with
the ad hoc scenario whereby the equatorial density is assumed to follow a simple power-law
distribution,
ρ(r, 0) = ρ0
(
r
R∗
)−n
, (2.8)
where ρ0 is the initial density of the disk at the stellar surface and n is the index of the (radial)
power-law. Typical values for these parameters are ∼ 1×10−12 g cm−3 to 1×10−10 g cm−3 for ρ0,
and ∼2.0–4.0 for n (see e.g. Jones et al. 2008). Silaj et al. (2010), who modelled 56 Hα spectra
with the above described model, showed ρ0 values of 5 × 10−11 g cm−3 and 1 × 10−10 g cm−3,
and an n value = 3.5, were strongly preferred by the fits performed in that study. Because a ρ0
value of 1 × 10−10 g cm−3 is considered to be quite dense, we therefore set ρ0 in Equation (2.8)
equal to a more mid-range value of 5 × 10−11 g cm−3. We also set ρ∗ in Equation (2.6) equal
to that same value to maintain as much consistency as possible between the two models. For
completeness, we have investigated the effects of increasing ρ∗ to 1 × 10−10 g cm−3, as well as
decreasing it to 1× 10−11 g cm−3, and we find that there is no impact on the resulting mass-loss
rates or terminal velocities of the solutions in either case.
The equatorial density structure computed from each of the approaches described above
was supplied to the radiative transfer code Bedisk. For a given equatorial density, Bedisk com-
putes the vertical disk density under the assumption of isothermal hydrostatic equilibrium. It
then solves the equation of radiative transfer to obtain the disk temperature and level popula-
tions, iterating at each grid point to produce a self-consistent model of the physical conditions
in the disk. Bedisk assumes that the disk is in pure Keplerian rotation; thus, our resultant mod-
els exhibit this velocity structure regardless of how the equatorial density was computed. The
aim of this work is to test if the material delivered to equatorial regions from our new wind
1This code, which is described in detail in Cure´ (2004), will henceforth be referred to as Hydwind.
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Table 2.1. B1V Wind Models with k = 0.3, δ = 0.07, and Varying α Values.
α ˙M v∞
(10−6M⊙ yr−1) (km s−1)
0.50 4.273×10−3 430
0.45 9.632×10−4 381
0.40 1.428×10−4 337
0.35 1.116×10−5 295
0.30 3.038×10−7 256
Note. — All models assume
an initial density ρ∗ = 5 × 10−11
g cm−3.
solutions is sufficient to produce line emission. An additional mechanism would be required to
supply sufficient torque to allow the disk material to attain Keplerian velocities.
Once Bedisk has computed the full disk structure, line profiles are simulated by solving
the transfer equation along lines of sight parallel to the star’s rotation axis (i.e., essentially
determining the amount of flux that would be received from the star if it were viewed pole-on),
and then projecting that flux at different angles to simulate changing the observer’s line of sight
to the star. The interested reader is referred to Sigut & Jones (2007) for a full description of
Bedisk.
2.3 Results
We adopt the same parameters for a B1V star as in Cure´ (2004): Teff = 25 000 K, log g =
4.03, and R∗ = 5.3 R⊙. Similarly to the aforementioned work, we begin our analysis from the
line-force parameters of Abbott (1982): k = 0.3, α = 0.5, and δ = 0.07. The rotational speed
(Ω = vrot/vcrit) of the central star is set to 0.90.
Table 2.1 shows the mass-loss rates and terminal velocities for various α values when the
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Figure 2.1 Left panel: velocity profiles as a function of the inverse radial coordinate u, for
fixed k = 0.3 and δ = 0.07 values, and various α values as indicated in the legend. Right panel:
velocity gradients (dw/du) as a function of u for the same solutions presented in the left panel.
other line-force parameters are held constant. The first line of the table corresponds to the
line-force parameters given in Abbott (1982). Starting from this solution, we systematically
lower the value of α, which represents physically a greater contribution of optically thin lines.
The table clearly shows that small changes in α have a large impact on the mass-loss rate and
terminal velocity, with smaller α equating directly to smaller mass-loss rates and lower terminal
velocities. Interestingly, we could find no solutions for α < 0.30.
Figure 2.1 illustrates the effect of lowering α from its starting value of 0.5 to 0.3, in steps of
0.05, on both the velocity structure (left panel) and its gradient (right panel) as a function of the
inverse radial coordinate u. Clearly, lowering α corresponds to lower terminal velocities, but
the overall, characteristic shape of the velocity profile is preserved for all values of α that we
employed. Similarly, the velocity gradient shows less change in velocity (a smaller “hump”)
occurring close to the stellar surface (u = −1) for lower α values, but retains its basic shape
overall.
Table 2.2 is similar to Table 2.1, but with α and δ now held constant while k is varied. Again,
the first line in the table corresponds to the line-force parameters of Abbott (1982), and thus it
is identical to the first line in Table 2.1. From these results, it is immediately clear that varying
k has only a marginal impact on the terminal velocity. Indeed, the only wind characteristic
2.3. Results 49
Table 2.2. B1V Wind Models with α = 0.5, δ = 0.07, and Varying k Values.
k ˙M v∞
(10−6M⊙ yr−1) (km s−1)
0.30 4.273×10−3 430
0.50 1.402×10−2 430
0.80 4.182×10−2 430
1.00 7.026×10−2 430
2.00 3.522×10−1 430
3.00 9.042×10−1 430
4.00 1.765×100 430
5.00 2.966×100 430
7.00 6.482×100 432
9.00 1.161×101 435
Note. — All models assume
an initial density ρ∗ = 5 × 10−11
g cm−3.
that k significantly affects is the mass-loss rate, with greater k values corresponding to greater
mass-loss rates. Physically, a larger k value represents a greater number of lines effectively
contributing to the driving of the wind. When k values greater than 9.0 were employed, no
solutions could be found.
Figure 2.2 is similar to Figure 2.1, depicting the velocity structure and its gradient as a
function of u for the k values listed in Table 2.2. As shown in the left panel of Figure 2.2,
increasing the k value results primarily in higher initial velocities at the stellar surface, but does
not affect the terminal velocity or the characteristic behaviour of the velocity profile overall.
(However, we note that for k & 5.0, the initial velocity is probably too high to be physical.)
In contrast, the velocity gradient (shown in the right panel of Figure 2.2) completely loses its
characteristic hump near the stellar surface somewhere between 2 < k < 3. Figure 2.3 shows
a magnified view of the velocity gradient near the stellar surface so that the transition to the
new kind of behaviour may be more clearly seen. The solutions corresponding to high k values
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Figure 2.2 Left panel: velocity profiles as a function of the inverse radial coordinate u, for
fixed α = 0.5 and δ = 0.07 values, and various k values as indicated in the legend. Right panel:
velocity gradients (dw/du) as a function of u for the same solutions presented in the left panel.
Note the change in the characteristic shape of the profile that occurs for k values between 2.0
and 3.0.
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Figure 2.3 Magnified view of the behaviour near the stellar surface of the velocity gradients
shown in the right panel of Figure 2.2.
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Figure 2.4 Comparison of equatorial density as a function of stellar radius for various Bedisk
and Hydwind models. Left panel: k = 0.3 and δ = 0.07 are held fixed while α varies from
0.5 to 0.3, in increments of 0.05, from top to bottom, shown in thin lines. Above this, ad hoc
density distributions that follow a simple power-law drop-off, from n = 2.0 to 4.0 from top to
bottom, in increments of 0.5, are shown in thick lines. In both cases, the density at the stellar
surface (ρ∗ = ρ0) is set to 5 × 10−11 g cm−3. Right panel: α = 0.5 and δ = 0.07 are held fixed
while k takes the values 0.3, 0.5, 0.8, 1.0, 2.0, 3.0, 4.0, 5.0, 7.0, and 9.0, from bottom to top,
shown in thin lines. Again, the same power-law governed equatorial densities shown in the left
panel are shown in thick lines.
(i.e., > 2 for this choice of α and δ) and different velocity gradient structures (i.e., that do not
display the characteristic hump) were previously unknown. To distinguish these high k, high
Ω solutions from the other solutions, we refer to them as the kΩ solutions.
Tables 2.1 and 2.2 give some indication (when starting from the line force parameters of
Abbott 1982) of which combinations of parameters yield mass-loss rates and terminal veloc-
ities similar to those predicted for Be stars. This information can be combined to generate
the expected equatorial density structure that would result from the wind, which is something
that can be directly compared to the ad hoc density structures typically assumed for Be stars.
In Figure 2.4, the equatorial densities computed from the line-driven wind models are com-
pared with ad hoc models of Be star disks. In both panels, typical ad hoc equatorial density
profiles, governed by n = 2.0, 2.5, 3.0, 3.5, and 4.0 (from top to bottom) are shown in thick
lines, while the equatorial density profiles computed from the hydrodynamic equations (with
different values of the line force parameters) are shown in thin lines.
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Figure 2.5 Synthetic Hα profiles computed from the equatorial density structures obtained
from the solution of the hydrodynamic equations and used as input into the radiative transfer
code Bedisk, shown in thin lines, for k values of 0.3, 0.5, 0.8, 1.0, 2.0, 3.0, 4.0 and 5.0. For
comparison, an emission profile computed from the ad hoc density structure ρ = 5 × 10−11
g cm−3(r/R∗)−3.5 is also shown. An inclination of i = 35° was assumed for all profiles. Clearly,
k ≤ 1 produces only an absorption profile, but emission begins for k > 1.0 and becomes
progressively stronger for higher k values.
The left panel of Figure 2.4 depicts the solutions of constant k = 0.3 and δ = 0.07, with α
varying from 0.5 to 0.3 (in increments of 0.05) from top to bottom. Clearly, even the solution
for the highest value of α has density values that are significantly lower than the density values
that are typically assumed, and that have been shown to reproduce the observed Hα emission
signature. While lowering the value of α results in terminal velocities that better match those of
Be stars, it obviously increases the discrepancy between the two density structures. Synthetic
line profiles computed for these solutions only produce the stellar absorption profile, because,
as expected, these densities are too low to produce any significant amount of emission.
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Table 2.3. B1V Wind Models with α = 0.3, δ = 0.07, and Varying k Values.
k ˙M v∞
(10−6M⊙ yr−1) (km s−1)
0.30 3.038×10−7 256
0.50 2.800×10−6 256
0.80 2.160×10−5 256
1.00 5.700×10−5 256
2.00 1.161×10−3 256
3.00 6.765×10−3 256
4.00 2.363×10−2 256
5.00 6.235×10−2 256
7.00 2.692×10−1 256
9.00 8.028×10−1 256
Note. — All models assume
an initial density ρ∗ = 5 × 10−11
g cm−3.
The right panel of Figure 2.4 depicts the solutions of constant α = 0.5 and δ = 0.07, with k
increasing from 0.3, to 0.5, 0.8, 1.0, 2.0, 3.0, 4.0, 5.0, 7.0, and 9.0, from bottom to top. What
is seen in this plot is that for k values ∼ 2 and greater, the equatorial densities computed by
the two different methods become comparable. Using these equatorial densities as input into
Bedisk, significant emission was found for k ≥ 2. This is depicted in Figure 2.5, which shows
the emission profiles for k = 0.3, 0.5, 0.8, 1.0, 2.0, 3.0, 4.0, and 5.0 in thin lines. The lowest
k values (k ≤ 1) produce only the stellar absorption profile, with the emission first becoming
appreciable at k = 2 and increasing in strength with increasing k. For comparison, a synthetic
line profile created from an ad hoc equatorial density structure with ρ0 = 5 × 10−11 g cm−3 and
n = 3.5 (the value of n most commonly found for Be stars) is shown in the thick line.
From the above investigation, we deduce that the lowest value of α used in this study
(α = 0.3) may better describe Be star disks because of its low outflow velocity; thus, we have
further explored this parameter space. In Table 2.3, we show the mass-loss rates and terminal
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velocities for solutions with α = 0.3 and δ = 0.07 held fixed while k is again allowed to vary.
In Figure 2.6, we show the characteristics of these solutions. The velocities (shown in the top
left panel of Figure 2.6) of these low-α solutions are remarkably constant over the whole range
of k values that we employed. We note that, even at high k values, the solutions do not obtain
high velocities at the stellar surface (i.e., they do not become unphysical), which represents
a marked contrast to the solutions obtained with α fixed at 0.5. In the top right panel of this
same figure, we show the velocity gradients of the α = 0.3 solutions in the region close to the
stellar surface. Solutions of the new kΩ-type are found for k = 7.0 and k = 9.0. In the bottom
left panel, the densities of the α = 0.3 solutions are compared with typical ad hoc equatorial
densities corresponding to n = 2.0 (topmost dark gray line) to n = 4.0 (bottom-most dark gray
line) and changing by increments of 0.5 (similarly to Figure 2.4.) Finally, in the bottom right
panel, the emission expected from these equatorial densities is shown. In the α = 0.3 case, we
see significant emission only occurring from k = 7.0 and higher. This corresponds to the same
value of k that marks the emergence of the kΩ solutions.
2.4 Summary and Discussion
Previous attempts to model Be stars in the context of radiatively driven winds added a cen-
trifugal force term to the momentum equation, to account for the effect of rapid rotation, but
still drew solutions from the family of solutions originally obtained by Castor et al. (1975) in
their pioneering work. Indeed, Castor et al. (1975), who had neglected rotation entirely in their
model, had shown the existence of only one family of physical solutions. Cure´ & Rial (2007)
confirmed that the standard m-CAK singular point is the only one that satisfies the boundary
condition at the stellar surface when rotation is neglected. All such solutions, however, have
terminal velocities that are too high to be compatible with those found in Be star disks.
When Cure´ (2004) performed a reanalysis of the hydrodynamic equations with a momen-
tum equation that included the centrifugal force term, he found a new family of solutions (the
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Figure 2.6 Results for simulations performed using a fixed α value of 0.3, δ = 0.07, and various
k values as given in the legend in the top left panel. The legend applies to all plots in the
Figure. In the lower left panel, the thick, dark gray lines correspond to the same ad hoc density
structures shown in Fig. 2.4, and in the lower right panel, the thick, dark line corresponds to
the same emission profile from an ad hoc density structure that is shown in Fig. 2.5.
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Ω-slow solutions) with much lower terminal velocities and higher mass-loss rates. He showed
that while these new solutions are in fact present for all rotation rates, the traditional CAK
solutions actually cease to exist for vrot/vcrit ≈ 0.75, and therefore these new solutions are the
only ones that can exist for very high rotation rates. The existence of a slowly outflowing,
dense wind for vrot ≥ 0.75vcrit seemed immediately appropriate for a Be star, and we therefore
felt it merited further investigation.
We started our investigation from the line-force parameters for a B1V star (Teff = 25 000 K)
as given by Abbott (1982): k = 0.3, α = 0.5, and δ = 0.07. These parameters yield a terminal
velocity that is slightly too high for Be stars (by about a factor of two), and a mass-loss rate
that is insufficient to build up an equatorial density structure that produces significant emission.
We recall, however, that the parameters derived by Abbott are done so under the assumptions
of the original CAK theory, and may no longer be appropriate for the new family of Ω-slow
solutions. Thus, we systemically varied α and k to see what values of these two parameters
produce terminal velocities and mass-loss rates that agree with the values found for Be stars.
We have shown that if k and δ are fixed at 0.3 and 0.07, respectively, then α = 0.3 produces v∞ =
256 km s−1. This is in good agreement with Poeckert & Marlborough (1978), who suggested
that the outflow velocity of a Be star disk was of the order of ∼200 km s−1. Alternately, if α
and δ are held fixed at 0.5 and 0.07, respectively, k values of 2.0 and greater produce equatorial
densities comparable to the ones assumed in the ad hoc scenario, and also produce appreciable
emission if those equatorial density structures are used as input in Bedisk.
Finally, because solutions with α = 0.3 had the best agreement with the terminal velocity
predicted for Be stars, we further explored this parameter space. By allowing k to vary over
the same range as in our previous experiment, we found that all solutions with α = 0.3 retained
low velocities near the stellar surface (meaning that high k values did not lead to unphysical
solutions in this case). By examining the velocity gradient of these solutions, it was found that
the kΩ solutions emerged around k & 7.0, which is considerably higher than when α = 0.5
(kΩ solutions emerge at k & 2). Furthermore, only solutions with k = 7.0 or higher produced
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significant emission in our simulations. However, as outlined in the Future Work section (see
below), we feel there are additional alterations and refinements that we could apply to our
model that may allow us to achieve larger equatorial densities from smaller k values.
One aspect of our calculation that merits additional discussion is that, because Bedisk con-
siders the disk to be in Keplerian rotation, and considers this to be the only source of profile
broadening, outflow in the disk is neglected. However, the bulk of the Hα emission has been
shown to arise from the region ∼ 5 − 15R∗ from the stellar surface, and as shown in Table 3
of Poeckert & Marlborough (1978), the outflow velocities at r/R∗ = 6.0 and r/R∗ = 18.0 are
predicted to be 25 km s−1 and 125 km s−1, respectively. Therefore, especially for the innermost
region of Hα emission, where densities are highest (and thus the majority of the emission is
produced), the outflow velocity is negligible compared with the rotational velocity.
In performing the systematic investigation of the line-force parameters, we discovered a
new behaviour in the velocity gradient for solutions with high k values, which we call the kΩ
solutions. This new behaviour was observed to emerge between 2 ≤ k ≤ 3, when α and δ
are 0.5 and 0.07, respectively. While k has traditionally been found to have a value of ∼ 0.5
for a star with the effective temperature we have adopted in our model, we recall that all of
the previous analyses have been performed in the regime of the fast winds that pass through
the original m-CAK critical point. In a private communication with Joachim Puls (2014), he
stated that, generally, k ∼ 1/α; since we employ values of α = 0.5 to 0.3, k = 2 or k & 3
are predicted from this relation. When α = 0.5 and k ≥ 5, however, we find that the solutions
become unphysical due to the high initial velocities that they exhibit.
2.5 Future Work
We have begun our investigation into the possible role of the Ω-slow solutions in the formation
of Be star disks by first examining the equatorial density structure that arises from such winds,
i.e., we have examined the 1D solutions. We have compared these equatorial density structures
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to the ad hoc scenario in which a given initial density is assumed to fall off according to a single
power-law with increasing radial distance from the star. In order to estimate the magnitude of
the Hα emission that might arise from Ω-slow solutions, various equatorial density structures
computed from these solutions were used as input into the code Bedisk. We have shown that
significant Hα emission can be produced by some combinations of the line-force parameters.
In a future paper, we plan to do a comparison of the full 2D structure computed from the
hydrodynamic equations versus the 2D structure computed by Bedisk. If the vertical structure
computed by Hydwind has more material in the regions close to the equatorial plane (i.e.,
slightly above and below it), then it may be possible to produce significant emission in models
with lower k values than the ones used here.
An additional important consideration may be the inclusion of the oblate finite disk correc-
tion factor. For simplicity, we have started from the usual finite disk correction factor, which
approximates the star as a uniformly bright sphere. Realistically, however, when a star is ro-
tating close to its critical velocity (such as in the case of Be stars), the star becomes an oblate
spheroid, with a cooler equatorial region and hotter poles. As shown in Araya et al. (2011), the
use of an oblate finite disk correction factor results in higher mass loss rates in the equatorial
plane. Thus, this may represent yet another way to reproduce emission profiles with smaller k
values than we have employed in this work.
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Chapter 3
The Hα Profiles of Be Shell Stars
This chapter corresponds to the article: J. Silaj, C. E. Jones, T. A. A. Sigut and C. Tycner, The
Hα Profiles of Be Shell Stars, 2014, ApJ, 795, 82.
3.1 Introduction
Be shell stars are a subset of (classical) Be stars—rapidly-rotating, non-supergiant B-type stars
that have shown Balmer emission at some epoch, indicating the presence of ionized circum-
stellar gas (see Rivinius et al. 2013 for a recent review). Spectroscopic and polarimetric mea-
surements have long provided indirect evidence that the gas surrounding Be stars is arranged
in a thin, equatorial disk-like structure, and more recently, interferometric observations have
provided direct evidence of this geometry (see, e.g., Dougherty & Taylor 1992; Quirrenbach
et al. 1993 and subsequent interferometric studies such as Stee et al. 1995; Quirrenbach et al.
1997; Tycner et al. 2005; Stee 2011.)
The emission lines that characterize all Be stars arise from radiative processes in the disk,
such as recombination and free–free emission, and shell stars are distinguished observationally
by the superposition of narrow absorption cores on their highly rotationally broadened emission
lines. They are commonly understood as ordinary Be stars seen nearly edge-on. In such a
model, the narrow absorption cores can be explained simply and naturally as arising from re-
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absorption and scattering out of the line of sight toward the observer. Porter (1996) tested the
hypothesis that shell stars are Be stars seen edge on, and concluded that this is the case.
While all Be stars (ordinary and shell) show one or more emission lines in the Balmer series
(in addition to various metal emission lines), Hα emission is typically the strongest feature, and
modelling it reveals insights into the average properties of the disk since it is formed over a
large region in the disk. In Silaj et al. (2010) (hereafter referred to as Paper I), the authors
created theoretical Hα profiles by systematically varying model parameters, and illustrated
the importance of fully understanding the physical conditions (i.e., temperature and density
structure) within the disk, as these conditions significantly affect the appearance of the resultant
profiles. In the aforementioned paper, however, profiles were computed under the simplifying
assumption that a spectrum computed at i = 0° would remain valid for other inclinations, and
could be Doppler shifted by the appropriate amount for a given i value to simulate the effect
of viewing the system at other orientations. This technique is a reasonable approximation at
low i values, but is not sufficient to describe Be stars at high inclination angles (such as those
expected in shell stars) because it does not account for the re-absorption that occurs when
viewing a dense disk nearly edge-on.
Beray is a new code that solves the transfer equation along a series of rays (≈ 105) through
the star+disk system (Sigut, 2011). It therefore accounts for the re-absorption along the line of
sight and can adequately describe the resultant emission in cases where the star+disk system
is at a high inclination angle. The objective of this work then is two-fold: to re-compute Hα
profiles in this new regime to compare with the previous results of Paper I, and to model the
shell spectra of Paper I that were previously left un-analyzed.
The paper is organized as follows: the observations are discussed in the next section, fol-
lowed by a review of the basic theory and construction of the models (Section 3). In Section 4,
we compare our new results to our previous work. Section 5 presents the detailed modelling
for eight well-known shell stars, discussing each star in its own subsection. Finally, in Sec-
tion 6, we give a recap of the main results of both the comparison with previous work and
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those obtained from the individual modelling, and state our conclusions.
3.2 Observations
The observations modelled in Section 4 of this paper are a subset of the observations originally
presented in Paper I. It was our intention to model the 11 spectra designated ‘sh’ in Table 3 of
that work: 28 Tau (Pleione), ǫ Aur, ν Gem, 4 Her, 51 Oph, 88 Her, 4 Aql, 1 Del, 60 Cyg, ǫ Cap,
and MCW 166. However, since the time of publication, new papers on three of the stars—
ǫ Aur, 51 Oph, and MCW 166—have been published that strongly indicate that they are not
classical Be stars. ǫ Aur is an eclipsing binary of Algol type (detached); it is believed to have
an F-type primary, and recent VEGA/CHARA visibility measurements indicate the formation
of Hα emission wings arise in a stellar wind (see Mourard et al., 2012). 51 Oph and MCW 166
both appear to be young stars still surrounded by their nascent disks (see Thi et al. 2013 for
a recent study of 51 Oph, and Alecian et al. 2013 for a discussion of MCW 166.) They were
therefore removed from the study. The remaining eight stars are all well known classical Be
(shell) stars, most of which have been observed and studied by various other groups of authors
(see, e.g., Jaschek et al. 1980; Slettebak 1982 and more recently Rivinius et al. 2006; Saad
et al. 2006).
As detailed in Paper I, all of the observations presented in our catalog were obtained be-
tween 2005 and 2008 with the fiber-fed e´chelle spectrograph attached to the 42-inch John S.
Hall telescope at the Lowell Observatory, located near Flagstaff, Arizona. The spectra were
processed using standard routines developed specifically for the instrument, and have a resolv-
ing power of 10,000 in the Hα region. The average continuum signal-to-noise ratio (SNR) in
the spectra near Hα is close to 200, and the actual SNR of each observation is provided in its
respective subsection. We estimate that the uncertainty in the continuum level determination
of the observations is 3% (see Jones et al. 2008 for a fuller discussion).
In this work, we model one representative Hα spectrum for each of our eight targets that
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shows a clear shell signature: emission peaks with a narrow absorption core that extends below
the stellar flux continuum. We note, however, that for many of our stars, we have several
observations dating back to 2003. We consult this archival data to aid in determining the
variability of our targets; in some cases, a clear trend of disk growth or disk loss can be detected.
3.3 Theory and Models
As discussed in Paper I, the radiative transfer code Bedisk computes the thermal structure and
atomic level populations for a star of given mass, radius, effective temperature, and gravity.
The reader is referred to Paper I and to Sigut & Jones (2007) for a detailed discussion of the
theoretical background of Bedisk, but we recall here some of the key assumptions of the code.
Firstly, the disk is assumed to be axisymmetric about the star’s rotation axis and symmetric
about the midplane of the disk. We use r to denote the radial distance from the star’s rotation
axis, and z for the height above the equatorial plane. The radial density structure of the disk is
determined by choosing a base, or initial, density (ρ0) of the disk at the star’s surface (i.e., r =
R∗, z = 0), and assuming it decreases with increasing distance in the equatorial plane according
to a simple power-law index n. The parameters ρ0 and n are essentially free parameters that
are specified by the user, but previous studies suggest that ρ0 is typically 1 × 10−12 g cm−3 to
1 × 10−10 g cm−3, and n ranges from ≈ 2 to 4 (see e.g. Jones et al. 2008) for most Be stars. To
compute the vertical density structure, it is assumed that the gas is in isothermal hydrostatic
equilibrium. Thus, the density of the disk at any position is given by
ρ(r, z) = ρ0
(R∗
r
)n
e−(z/H0)
2
, (3.1)
where ρ0 is the initial density in the equatorial plane, n is the index of the radial power-law, and
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H0 is the scale height in the z-direction and is given by
H0 =
√
2r3
α0
(3.2)
where the parameter α0 is of the form
α0 = GM∗
µ0mH
kBT0
. (3.3)
In these expressions, M∗ and R∗ are the stellar mass and radius, respectively, T0 is an assumed,
isothermal temperature used solely to fix the vertical structure of the disk, and µ0 is the mean
molecular weight of the gas. The remaining variables have their usual meanings: G is the
gravitational constant, kB is the Boltzmann constant, and mH is the mass of a hydrogen atom.
Finally, the central star (which is assumed to be the sole source of photoionizing radiation
for the disk) is also assumed to be spherically symmetric, and for all models we have set the
star’s rotation to be 0.8vcrit, where vcrit is given by1
vcrit =
√
2GM∗
3R∗
. (3.4)
The disk itself is assumed to be in pure Keplerian rotation.
Our disk models assume a solar composition, and are computed with a grid of 36 radial (r)
and 30 vertical (z) points. The spacing of the points is non-uniform to ensure that the areas of
the disk that are close to the central star and/or close to the equatorial plane (where changes are
occurring more rapidly) are sampled with greater frequency. The radial extent of the calculation
is 50R∗, and vertically the disk is truncated when the condition ρ(z)/ρ(z = 0) = 10−4 is met.
While the full radial extent of the disk was formerly employed to compute line profiles,
for this study we employed a disk size of 50 R∗ in the cases where n ≤ 3.5, and adopted a
1At high rotation rates such as the one adopted here, the central star is expected to be rotationally deformed
(and gravity darkened), with maximum deformation occurring when v = vcrit, at which point Req = 1.5Rpole.
Because we have adopted a spherically symmetric star, in our particular case R∗ = Rpole = Req.
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disk size of 30 R∗ for n > 3.5. By analyzing the change in the equivalent width of the model
Hα profiles as a function of the assumed disk size, it was determined that low n-value models
can have significant contributions to the total flux in Hα originating at large radial distances.
However, for n > 3.5, models created at any of our initial densities showed all of the flux in Hα
to be contained within ∼ 20 R∗. Thus, truncating these disks at 30 R∗ safely ensured we were
capturing all of the emission, but represented a substantial savings in computational time.
3.4 Comparison with Previous Results
Our procedure for creating theoretical Hα profiles is a two stage process: first, Bedisk computes
a disk model (the density structure of the disk, the temperature solution, and all of the atomic
level populations) for a user-defined set of input values, including the parameters of the central
star and the other parameters discussed in Section 3. Additional considerations, such as the
number of computational gridpoints and the actual extent of the disk (both in r and z), as well
as the chemical composition of the disk, must also be set in advance by the user. A key aspect
of the disk models produced by Bedisk is that the temperature is iterated at each computational
gridpoint to enforce radiative equilibrium, producing a set of self-consistent physical conditions
for the disk. These disk models are then used as input to a secondary code which calculates the
expected Hα emission profile.
In our previous work, Bedisk was used to compute disk models of representative B0, B2,
B5, and B8 type Be stars. To fully encompass the range of values found in the literature, we
created a grid of ρ0 values of spanning from 5 × 10−13, 1 × 10−12, ..., 5 × 10−10 g cm−3 and n
values of 1.5, 2.0, ..., 4.5, and all combinations of ρ0 and n values were computed for each of
the aforementioned spectral types. From there, line profiles at three different inclinations (20°,
45°, and 70°) were computed using an auxiliary line shape code.
As briefly alluded to earlier, Bedisk computes a spectrum at i = 0°, which is accomplished
by solving the transfer equation along the z-grid at each radial distance r. The function of the
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former line shape code was to divide the disk into sections, and compute the radial velocity for
each section. Then, the i = 0° spectrum computed by Bedisk was Doppler shifted by the appro-
priate amount for a given i value and added back into the final spectrum. Finally, all sections
of the disk were summed. This treatment should provide a fairly accurate representation, es-
pecially at low inclination angles where the effects of self-absorption are at a minimum. It was
fully expected that this treatment would not be sufficient to describe high inclination systems,
and therefore we did not attempt to model the shell spectra presented in Paper I.
In this work, we first retain the same disk models that were initially created for Paper I, but
use a new auxiliary code—Beray—to compute the Hα line profiles and compare them with our
previous work. Beray solves the transfer equation along a series of rays (approximately 105)
through the star+disk system, so in general, it should provide an improvement in the realism
of our models. We then create new disk models with spectral types chosen to match our eight
shell star targets, and use Beray to create line profiles at high inclination angles. Through an
iterative fitting procedure, the new models are adjusted to match the observations. As was done
in Paper I, we convolve our synthetic profiles with a Gaussian of FWHM of 0.656 Å to bring the
resolving power of the computed profiles down to 10,000 to match the resolving power of our
observations. To maintain as much consistency as possible between this work and the previous
work, the new disk models were all created under the same assumptions used in Paper I, i.e.,
the same choice of computational grid and domain, and the same chemical composition for the
disk were adopted.
Overall, there is very good agreement between the methods in terms of the trends that
emerge by varying n, ρ0, and i in a systematic fashion, as was done in Paper I. For example, for
a given initial density, ρ0, the general manner in which the equivalent width varies as a function
of the power-law index n is consistent between the two regimes.
The two sets of profiles also show good agreement between the actual profile shapes that
are predicted, i.e., singly versus doubly peaked. This is largely to be expected, as both sets are
computed from the same initial disk model. Therefore, if, for example, there existed a case in
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Paper I where a large, cool region of the disk close to the star was suppressing emission and
giving rise to a doubly-peaked profile, then we fully expected that this same result would be
duplicated by the new line shape calculation, and indeed this outcome was found. The fact that
we find such good agreement between predicted shapes is reassuring, as it indicates that our
simpler approximation in Paper I still produced realistic results, and that improving the realism
with our new procedure has not fundamentally altered any basic results we obtained in that
work.
The most significant difference between the two methods is that the emission as calculated
by Beray is consistently lower than that calculated by our previous treatment. Most likely, the
approximation in Paper I overestimates the amount of emergent radiation since it was assumed
that all escape occurred perpendicular to the disk and no further processing of radiation, such
as scattering or absorption along the line of sight, was accounted for.
3.5 Results for Individual Spectra
The results of the modelling are presented below. Each observation, and the model that best
reproduces the observational signature, is discussed in its own subsection. We aim to reproduce
four main aspects of the observation: peak height, peak separation, absorption depth, and the
width of the absorption core.
The general strategy for modelling is to (1) fix the fundamental spectral type for the central
star; (2) create a series of high inclination models for all combinations of n and ρ0 previously
listed; (3) eliminate models that do not show the characteristic shell shape; and (4) keeping our
n values fixed at 1.5, 2.0, 2.5 etc..., iteratively adjust the corresponding ρ0 value to match the
peak height, and the i value to match the absorption depth.
In order to fix the spectral type, we conducted a thorough literature search for all targets;
a discussion and our final spectral type determination of each star is given in its respective
subsection.
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Table 3.1. Adopted Stellar Parameters
Spectral Type Stellar Radius Stellar Mass Teff log g
(R⊙) (M⊙) (K)
B0V 10.00 17.00 25 000 4.0
B1V 6.42 13.21 25 400 3.9
B2V 5.33 9.11 20 800 3.9
B3V 4.80 7.60 18 800 4.0
B5V 3.90 5.90 15 200 4.0
B6IV 5.42 5.58 13 800 3.8
B6V 3.56 5.17 13 800 4.0
B7V 3.28 4.45 12 400 4.1
B8V 3.00 3.80 11 400 4.1
B9V 2.70 3.29 10 600 4.1
A0V 2.40 2.90 10 000 4.1
Note. — The parameters assumed for the B0V, B2V, B5V and
B8V stars are identical to those assumed in Paper I. As noted
in that paper, the B0V parameters are the ones employed in the
modelling of γ Cas in previous works by some of the authors.
All other values are interpolated from Cox (2000). We note that
the masses and radii given here are generally slightly larger than
those given by Harmanec (1988) for the same spectral type.
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From the systematic investigation of the theoretical profiles, it was found that there is typ-
ically a direct correlation between the absorption depth and the adopted inclination value: as
expected, higher i values produce a deeper absorption core. Thus, for our targets with shallower
absorption cores, we initially created a series of models at 70°, but for targets with deeper ab-
sorption cores, the initial models were created with 75° or 80°. Eliminating profiles that were
clearly of the wrong shape, we were usually left with only one model at each of our seven n
values that approximately replicated the observation. Adjusting the models from that point was
a fairly straightforward task, as we found that at these high inclination values, the choice of ρ0
mainly affected the peak height, i mainly affected the absorption depth, and the two were not
strongly coupled. They could therefore be adjusted nearly independently until these aspects of
the observation were matched.
Furthermore, in our models, it was the n value that primarily governed the peak separation,
and therefore the width of the absorption core as well, with smaller n values corresponding to
a smaller peak separation. Hence, once peak separation and absorption depth were fixed, we
could eliminate all models created with n values that did not match the peak separation.
In all cases, a χ2 goodness-of-fit test was employed to ensure that the retained fits were
quantitatively better than the eliminated fits, in addition to being better visually. In a few cases,
there were several models that were statistically indistinguishable and very similar visually,
and these cases are discussed in more detail in their proper subsection.
We order the discussion of our targets by their spectral type, from earliest (B1V) to latest
(B9V). We note that the best fits to the observations are obtained for the stars of earliest spectral
types, and that the later-type stars usually show extended emission wings not reproduced by our
model. One possible explanation for this is that we are overestimating the stellar photospheric
absorption component. Determining the spectral type of Be stars is known to be a particularly
complicated task: not only do the high rotational velocities broaden and distort the lines, but,
as detailed in Steele et al. (1999), the disk emission can partially fill in lines of He i (as well as
H i and several metallic ions), which often affects the main classification criteria. Moreover, a
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well developed shell spectrum containing many metallic absorption lines can completely veil
the photospheric absorption spectrum, meaning that Be shell stars are even more difficult to
correctly analyze than ordinary Be stars.
The effect of employing an incorrect spectral type for the central star becomes more impor-
tant at later spectral types where the Hα photospheric absorption is much larger. If the adopted
model spectral type is cooler than the true spectral type of the star, the absorption component of
the Hα line will be overestimated since Hα absorption is quite weak for early-type B stars but
increases steadily toward the later-types, reaching a maximum at A0. Thus, the emission com-
ponent produced by the disk will be insufficient to completely fill in the absorption component,
and a discrepancy between the model and the observation will result.
Another factor possibly contributing to the discrepancy in the wings is that in our models
we include only coherent electron scattering, both in the opacity and the emissivity. While
non-coherent electron scattering is often neglected in the calculation of line profiles, Auer &
Mihalas (1968) showed that its effect in emission lines is to decrease the intensity slightly and
cause the development of extensive emission wings. Poeckert & Marlborough (1979) explicitly
calculated this effect for Be stars, and were able to show that scattered envelope radiation can
broaden the Hα emission line considerably. However, they only considered φ Per, a B1III star
with very strong Hα emission. In our models, the Hα emission is much weaker, and so the
effect is probably much smaller. Furthermore, because we see the most discrepancy in the
wings at later spectral types, where we do not expect the electron density to be as high, this
effect is probably secondary to the effect of employing a spectral type that is later than the true
spectral type of the star. Finally, our models also do not include pressure broadening caused by
the Stark effect, and while we don’t anticipate this to be a large effect in our stars, it could be
important in the case of very dense disks.
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Figure 3.1 60 Cyg. Observed Hα emission is shown in open circles, and the best-fitting model
is represented by the solid line.
3.5.1 60 Cygni
60 Cyg (HR 8053, HD 200310) has long been known as an emission star. It is classified as
B1V according to Jaschek et al. (1980), and, similarly, as B1Ve according to Slettebak (1982).
60 Cyg exhibits pronounced long-term spectral variations, transitioning from normal B to Be
phases (Koubsky´ et al., 2000). Wisniewski et al. (2010), who monitored the target between
1992 August and 2006 December, found the Hα EW reached a maximum in December of
1998, and then steadily declined until Hα was in pure absorption in early May of 2001. Their
Figure 1 shows a slow, steady increase in Hα EW after the minimum in 2001 May until the
end of their monitoring in 2006 December, with the emission being in a generally low state
throughout this entire period.
60 Cyg is a binary, and Wisniewski et al. (2010) estimate that its companion truncates
the disk at a tidal radius of 120–135 R⊙, based on the range of masses for the primary and
secondary given in Koubsky´ et al. (2000). This truncation range corresponds to 19–21 R∗ given
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our adopted model (see below), and since we find the Hα emission to be contained within ∼ 20
stellar radii in the vast majority of our models, we do not anticipate that this disk truncation
will have a large effect on our models. Furthermore, while it has been hypothesized that binary
companions can trigger mass loss events from the central star (e.g. δ Sco; Miroshnichenko
et al. 2001), Wisniewski et al. (2010) find this is probably not the case in 60 Cyg because the
time for disk dissipation corresponds to almost six complete orbits of the binary. Thus, in the
particular case of 60 Cyg, the binary companion does not seem to have a strong effect on the
primary.
We adopt a B1V model for this star with stellar mass M∗ = 13.21 M⊙, radius R∗ = 6.42 R⊙,
effective temperature Teff = 25 400 K, and gravity log g = 3.9. (See Table 3.1 for a complete
list of all model spectral types, and their associated parameters, used in this work.)
The spectrum presented and modelled here (Figure 3.1) was obtained on JD 2453640.5,
and the SNR near Hα is 132.9. The spectrum shows a clear shell signature with a very slight
asymmetry in peak height: the red peak is marginally higher than the blue peak. This probably
represents a very slight asymmetry in the density distribution of the circumstellar material. As
our model assumes an axisymmetric geometry, this small asymmetry cannot be matched, and
we elect to choose a model with a peak height that falls in between the two peak heights in the
observation to represent an average disk density. We adopt a similar strategy in the other seven
spectra, all of which display some small degree of asymmetry in the peak height.
Interestingly, we found the observation of 60 Cyg could be represented equally well by a
model with n = 3.5, ρ0 = 1.8 × 10−11 g cm−3, i = 65° or n = 4.0, ρ0 = 3.3 × 10−11 g cm−3,
i = 64°. Both models fit the peak height and separation, as well as the absorption core depth
and width, extremely well. Performing a χ2 goodness-of-fit test, it was determined that the two
models were statistically indistinguishable. It is not surprising that there is degeneracy in the
choice of n and ρ0: both parameters effectively control the same thing, i.e. the density structure
of the disk. What is of interest is that both best-fitting models had nearly identical values of i.
This trend was found repeatedly throughout the modelling process, for all of the spectra: in all
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cases, even where the underlying spectral type was changed, or many combinations of n and
ρ0 could adequately reproduce the peak height and separation, there was only ever a very small
range of i (usually a maximum span of 4°) that produced models with the correct absorption
depth.
Models created for 60 Cyg with an n value of 3.0 or lower displayed a peak separation
that was too small, as well as an absorption core depth that was systematically too narrow.
The effect was noticeable, but not extreme. Similarly, employing an n value of 4.5 resulted
in models whose absorption core widths were consistently too wide, although again, the effect
was fairly subtle. Models created with n = 3.0 required a corresponding i value of 68° to match
the absorption depth, and n = 4.5 models required an i value of 64° to match the absorption
depth. It thus appears that the value of i needed to match the observation is fairly constant
despite hugely different theoretical density distributions. This reinforces our finding that the
value of i needed to match the observation is only marginally affected by the choice of the other
two model parameters. It appears that, within the framework of our models, i does not suffer
the same degeneracy, and that we can specify a unique inclination angle (± a few degrees) that
reproduces the observation.
The viscous disk decretion (VDD) theory, which has been shown recently to describe ob-
servations of Be stars quite well, predicts an n value of 3.5 in the simplest case of isothermal,
isolated disks (see, e.g., Carciofi 2011). It was also shown in Paper I that a power-law index of
n = 3.5 was strongly preferred by the Hα fits performed in that study. We therefore marginally
prefer our model created with n = 3.5, and adopt n = 3.5, ρ0 = 1.8 × 10−11 g cm−3, and i = 65°
as our choice of final, best-fit model. (See Table 3.2 for a summary of the best-fit model for
each observation.) For completeness, it should be noted that VDD theory naturally predicts
a departure from n = 3.5 with the inclusion of other factors such as a non-isothermal radial
temperature structure, disk scale height, and viscous transport. Therefore, while n = 3.5 may
be the preferred value, it cannot be assumed a priori, and deviations from this value are quite a
normal occurrence.
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Figure 3.2 ǫ Cap. Symbols are as in Figure 3.1.
3.5.2 ǫ Capricorni
ǫ Cap (HR 8260, HD 205637) is listed as a B3IIIe type star according to Slettebak (1982),
but more recently has been typed as B3V (Levenhagen & Leister, 2006). We adopt this latter
spectral type with a corresponding M = 7.6 M⊙,R = 4.80 R⊙, Teff = 18 800 K and log g = 4.0.
ǫ Cap is a close binary with an orbital period of 129 days (Rivinius et al., 2006). It is also
known to display both short-term and long-term variations in its spectroscopic and photometric
measurements. Because we model one spectrum for each of our targets, our models only
represent the disk system at the time of the observation.
The spectrum shown in Figure 3.2 was obtained on JD 2454011.5, and has an SNR of
91.1. The blue peak is very slightly higher than the red peak, but otherwise the spectrum is
very symmetrical. Note, however, the presence of “shoulders” starting at the continuum and
extending up to F/Fc ≈ 1.15; the effect is slightly more noticeable on the blue shoulder than
the red shoulder. The source of this excess emission could be due to a slight density enhance-
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ment close to the star. Rivinius et al. (2001) demonstrated that early-type Be stars often show
periodic mass ejection episodes which result in substantial differences in the profile wings. To
test this hypothesis, we constructed models where the equatorial density structure of the disk
was governed by two power-laws (instead of the usual one): a smaller n value was adopted for
the first five stellar radii, and a larger one was employed for the remainder of the disk. This
simulates a ring-like region of enhanced density close to the central star, as one might reason-
ably expect to find following an episode of mass ejection. Our investigations confirmed that we
could indeed produce excess emission in the wings if the density enhancement was carefully
selected to be significant enough to make a noticeable signature in the synthetic spectrum, but
not so dense as to become optically thick, and therefore cold (i.e., not radiate efficiently). Be-
cause modelling the excess emission in the wings introduces many new free parameters in the
model that cannot be constrained, we elected to retain our initial strategy of matching the key
features of the observation (again, peak height and separation, and absorption depth and width)
with the equatorial density governed by a single power-law.
Apart from the emission described above, our model matches the observation quite well:
peak height and separation, and absorption depth and width, are all fit very well by a disk model
with n = 3.0, ρ0 = 1.7 × 10−11 g cm−3, and i = 80°. This case seems to suffer less degeneracy
than many of the other stars: a model created with n = 2.5 and ρ0 = 6.2 × 10−12 g cm−3 at
i = 79° matched the peak height and absorption depth, but had an absorption core width that
was clearly too narrow. Similarly, a model with n = 3.5, ρ0 = 4.5 × 10−11 g cm−3 and i = 81°
could also match the peak height and absorption depth, but displayed an absorption core width
that was obviously too wide. Thus, we adopt the model with n = 3.0, ρ0 = 1.7 × 10−11 g cm−3,
and i = 80° as our best-fitting model. Although our n value departs slightly from the one
predicted by VDD theory, it certainly is within the range of n normally determined for Be
stars.
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Figure 3.3 ν Gem. Symbols are as in Figure 3.1.
3.5.3 ν Geminorum
Our spectrum of ν Gem (HR 2342, HD 45542) was obtained JD = 2454452.5, and has an SNR
of 275.6. Older catalogs (e.g. Figure 8 of Slettebak & Reynolds 1978) show the Hα line of
ν Gem in emission but with little to no core. Therefore, ν Gem is one of the as yet unexplained
Be stars that has transitioned from a normal Be phase to a shell Be phase; this transition is
difficult to explain if the shell phenomenon arises from inclination angle alone.
Rivinius et al. (2006), who observed the target various times between 1994 and 2003, found
ν Gem to be V/R variable. Our spectrum shows the red peak (which originates from the portion
of the disk that is receding from the observer) noticeably stronger than the violet peak (from
the region moving toward the observer), which is commonly interpreted as a density difference
in the regions responsible for forming each peak. Since the effect is not very large, we model
the spectrum by selecting a density that results in an intermediate peak height; thus, our model
represents an average disk density.
The spectral type determinations of ν Gem range from B5 to B7, and luminosity class
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determinations range from type III to V, with nearly every combination of the two having been
suggested at some time.
We initially modelled ν Gem as a B6V star (Cucchiaro et al., 1977) with M = 5.17 M⊙,R =
3.56 R⊙, Teff = 13 800 K and log g = 4.0. Adopting an n value of 2.0, an initial density of
ρ0 = 1.6 × 10−12 g cm−3, and i = 77°, our model successfully matched most aspects of the
observation (see Figure 3.3). At this spectral type, the models created with n = 1.5 were
markedly too narrow overall, and had a peak separation that was too small, while models
created with n = 2.5 or greater were visibly too wide and had a peak separation that was too
great. Thus, if the spectral type is indeed B6V, the only choice of n that can reproduce the
observations is one with a value quite close to 2.0.
While we cannot detect a definite trend of disk loss or gain from our archival observations,
they do show nonetheless that the equivalent width of Hα emission of ν Gem is quite variable.
Furthermore, the equivalent width did decrease substantially between the last two observations,
from -0.98 Å on JD 2454158.5 to -0.78 Å at the time of our observation, which may indicate
the beginning of a disk loss phase. Thus, it is not unreasonable that the best-fitting n value
departs significantly from the one predicted by VDD theory.
We investigated the effects of modelling ν Gem with a slightly evolved central star (Slet-
tebak 1982, for instance, classifies this star as B6IV) to see if this would affect the best-fitting
n value. Interpolating values from Cox (2000) in a manner consistent with our previous work,
our B6IV model corresponds to a stellar model of M = 5.58 M⊙,R = 5.42 R⊙, Teff = 13 800 K
and log g = 3.8. We again found an n value of 2.0 was necessary to match the peak separation
of the observation, but did not pursue the investigation beyond that given that there is so much
uncertainty in the spectral typing. We thus retained the model with a spectral type of B6V,
n = 2.0, ρ0 = 1.6 × 10−12 g cm−3, and i = 77° as our best-fitting model.
While the peak height, peak separation, absorption depth, and the width of the absorption
core are all satisfactorily matched, there is a discrepancy in the wings. As discussed at the
beginning of this section, this discrepancy is common for the late-type stars in our study, and
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could originate from the uncertainty in the underlying spectral type, as well as the scattering
that is not included in the model.
An additional complication, however, is that Rivinius et al. (2006) found that ν Gem is
a triple system, with the shell absorption features originating from the Be star, but possible
contamination to the photospheric spectrum from the other stars in the system. This could
affect our continuum normalization, as well as other aspects of the model, depending on the
extent of the contamination.
3.5.4 88 Herculis
The spectral type of 88 Her (HR 6664, HD 162732) is given simply as Bpshe on the SIMBAD
database, and it is the only star in this study which was not included in Slettebak (1982).
Jaschek et al. (1980) classify it as B7Vn, but both the type and luminosity class appear to be
fairly uncertain. We initially adopted a model spectral class of B7V, which translates to stellar
parameters of M = 4.45 M⊙,R = 3.28 R⊙, Teff = 12 400 K and log g = 4.1.
88 Her undergoes long-term spectroscopic and photometric variations. It was studied in
some detail by Harmanec et al. (1972a,b, 1974) and Doazan et al. (1982), who suggested that
the star is probably a single-line spectroscopic binary. They also propose that the long term
variations the star displays may have their origin in the binarity of the system.
Our spectrum of 88 Her was obtained JD 2453844.5, and has an SNR of 148.5. This target
shows the strongest emission of all the observations, with a maximum peak height very nearly
reaching F/Fc = 2.2. It also shows very deep absorption, with its core extending almost to
F/Fc = 0.6. A model with n = 3.5, ρ0 = 2.3×10−10 g cm−3, and i = 79° successfully reproduces
the peak height and absorption core depth, but no combination of n and ρ0 can recover the
exceedingly large width of the observation (see Figure 3.4). This model also exhibits a lack
of emission in the wings, which again points to an overestimation of the stellar photospheric
absorption component. Especially in light of the other discrepancies in the fit, it seems highly
plausible that the spectral type for 88 Her has not been accurately determined. Note also that
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Figure 3.4 88 Her. Symbols are as in Figure 3.1.
the density of the best fit model (2.3 × 10−10 g cm−3) is quite high, so this is one case where
Stark broadening may play an important role in the line profile shape.
3.5.5 28 Tauri = Pleione
28 Tau, or Pleione (HR 1180, HD 23862), acquired an opaque shell in 1972 that was still
present at the time that Slettebak (1982) observed and attempted to classify it. His final determi-
nation was B8(V:)e-shell. It had previously been classified as B8nn by Cowley (1972), and as
B8V shell by Abt & Levato (1978). We modelled our spectrum, obtained on JD 2454452.5 with
an SNR of 174.1, assuming a star of B8V spectral type with M = 3.80 M⊙,R = 3.00 R⊙, Teff =
11 400 K and log g = 4.1.
Like many Be stars, Pleione has undergone several phase transitions from B to Be to Be
shell. Pleione also exhibits a very strong cyclic V/R variability. As shown in Rivinius et al.
(2006), this affects both the peak heights and the amount of absorption in the wings of the
3.5. Results for Individual Spectra 81
6530 6540 6550 6560 6570 6580 6590 6600
0.8
1
1.2
1.4
1.6
1.8
F 
/ F
c
Wavelength (Angstroms)
Figure 3.5 28 Tau = Pleione. Symbols are as in Figure 3.1.
Balmer lines. Pleione is also a binary, with a 218 day period (Nemravova´ et al., 2010). Because
this represents a relatively close binary, it is possible that dynamical interaction could influence
the disk structure and its variability.
The observation displays an additional asymmetry not present in the other seven: the top
approximately one-third of the blue peak appears to be skewed slightly to the left (see Fig-
ure 3.5). Naturally, our axisymmetric models cannot reproduce this asymmetry. Setting the
asymmetry aside, a model with an n value of 2.5 best reproduces the width of the absorption
core, and matches the placement of the red peak. The ρ0 value needed at this n to achieve the
peak height approximately halfway in between the two is 6.2 × 10−12 g cm−3. The resultant
spectrum created at i = 76° appears just slightly too shallow to match the observation, but
increasing i to 77° produces a model that is distinctly too deep.
To be thorough, models were created with n = 1.5, 2.0, 3.0, 3.5, 4.0, and 4.5 (and corre-
sponding varying densities, adjusted to match the peak height), but values of n < 2.5 con-
sistently produced models whose peak separation and absorption cores were too narrow, and
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higher n values made both features too wide. As in the case of 88 Her (above), no combination
of n, ρ0 and i that could successfully match the peak height and absorption depth could repro-
duce the overall (very large) width of the observation. We did find, however, that to match the
absorption depth of the profile, all models created with 1.5 ≤ n ≤ 2.5 required an i value of
76°, and all higher n-value models required i = 77°. Thus we feel that the inclination angle of
Pleione is fairly well determined.
Although our best-fitting model has an n = 2.5, which departs significantly from VDD
theory, our archival observations show that Pleione was in a phase of evident disk loss at the
time of our observation (see Jones et al. 2011). The n value of 3.5 predicted by VDD theory
applies only to a steady-state disk, which clearly does not apply in this case. We retain the
model with n = 2.5, ρ0 = 6.2 × 10−12 g cm−3, and i = 76° as our best fit.
3.5.6 4 Aquilae
4 Aql (HR 7040, HD 173370) was classed as B8Ve by Slettebak (1982), and we adopted this
spectral type, with M = 3.80 M⊙,R = 3.00 R⊙, Teff = 11 400 K and log g = 4.1, for our central
star.
To the best of our knowledge, 4 Aql has not been monitored in any long term observing
campaigns, and thus we cannot make any strong statements regarding its general variability. It
does not appear to be a binary star.
The observation of 4 Aql, obtained on JD 2454255.5 and shown in Figure 3.6, has an SNR
of 288.7 and differs slightly from the other seven presented here in that it displays very broad
absorption wings that extend ≈ ±30 Å outside of line center. The absorption in the wings
actually extends below the absorption core at line center, which is quite shallow. Our archival
data suggests that 4 Aql was in a phase of disk loss at the time of observation, which could
explain the overall weak emission that this observation exhibits.
We were able to satisfactorily match the peak height and separation, and absorption depth
and width of the observation, with models created with n = 2.5, 3.0, and 3.5 and correspond-
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Figure 3.6 4 Aql. Symbols are as in Figure 3.1.
ingly adjusted initial densities. However, the model with n = 2.5 did have a marginally lower
χ2 value and a slightly better fit visually, so we adopted n = 2.5, ρ0 = 3.3 × 10−12 g cm−3,
i = 46° as our final, best fit to the observation. We note that this i value departs significantly
from the near-90° values that are expected for shell stars, and that the two other models (above)
that matched the observation had even lower i values of 43°. Despite our best efforts, no mod-
els with high (i.e., i ≈ 70°) inclination values could be matched to the observation, as the
absorption depth of such models was consistently and markedly too strong.
3.5.7 4 Herculis
4 Her (HR 5938, HD 142926) is a rather well-known Be and shell star that has been frequently
observed. Like many Be stars, it undergoes transitions from normal B to Be phases, with the
length of emission and non-emission phases varying from three to 20 yr (Koubsky et al., 1994).
We model it as a B9V star (Cowley, 1972), with M = 3.29 M⊙,R = 2.70 R⊙, Teff = 10 600 K
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Figure 3.7 4 Her. Symbols are as in Figure 3.1.
and log g = 4.1, although we note that it was classified as B8p shell by Molnar (1972) and
as B7IV e-shell by Slettebak (1982). 4 Her is a binary star with a nearly circular 46-day
orbit (Koubsky et al., 1997). This represents another case in which a close binary may exhibit
influence over the structure and dynamics of the circumstellar disk.
Our observation, obtained on JD 2454273.5, has an SNR of 186.5 and shows a rather
shallow absorption core that only extends to F/Fc ≈ 0.85. Our archival data indicates that 4 Her
was in a phase of disk loss at the time of our observation, with the equivalent width of its Hα
emission declining from -2.73 Å on JD2453510 (2005) to only -1.13 Å at the time our spectrum
was collected (2007). Like some of the other spectra discussed above, several combinations
of n and ρ0 adequately reproduce the peak height, peak separation, and absorption width. In
all cases, however, an i value between 65° and 68° was necessary to match the depth of the
absorption.
Figure 3.7 shows the best fit obtained for 4 Her: n = 3.5, ρ0 = 6.7 × 10−11 g cm−3, i = 67°.
However, as in the case of 4 Aql, above, there were two other models that were statistically
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Figure 3.8 1 Del. Symbols are as in Figure 3.1.
indistinguishable from this fit. A model created with n = 2.0, ρ0 = 1.8 × 10−12 g cm−3, i = 68°,
and another with n = 3.0, ρ0 = 1.9 × 10−11 g cm−3, i = 65°, also fit the observation well,
although upon close visual inspection, the aforementioned n = 3.5 model matched the shape
and width of the absorption core more closely, and so we adopted this model as our final best
fit.
3.5.8 1 Delphini
1 Del (HR 7836, HD 195325) is one of very few Be stars whose Hα emission profile has
remained nearly constant for decades. Our observation, obtained JD 2454453.5 and shown in
Figure 3.8, has an SNR of 143.2 and shows a very deep and sharp absorption core flanked by
weak emission shoulders, similar to most observations that can be found in spectral catalogs.
1 Del is an isolated star with no known binary companion.
Spectral type determinations for 1 Del vary considerably: Slettebak (1982) classified it as
B8-9:(e)-shell, while other authors had previously suggested its type was as late as A1 (see e.g.
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Cowley et al. 1969). It was also recently classified A1:III shell by Abt & Morrell (1995).
The Hα line of 1 Del was previously modelled with a stellar mass, radius, effective tem-
perature, and log g of 4M⊙, 3.3R⊙, 12, 600 K, and 4.0, respectively, by Marlborough & Cowley
(1974) and subsequently by Millar & Marlborough (1999). These parameters are quite close to
the ones we assume for a B7V model (see Table 3.1). Despite the previous authors’ success at
reproducing the observations, in light of other determinations that type the star as A1, we felt it
prudent to adopt a spectral class in between the two extremes, and model 1 Del as a B9V star.
We also preferentially retained a B type spectral class for the underlying star due to reports by
other authors of the presence of He i lines in its spectrum, as stated in Slettebak (1982). The
parameters for our B9V model are M = 3.29M⊙,R = 2.70R⊙, Teff = 10, 600 K and log g = 4.1.
Modelling 1 Del presented us with a unique quandary: models created with low n values
(2.0 or 2.5) matched the peak separation of the observation, but had absorption cores that
were distinctly too narrow. Models created with n = 3.5 exhibited a very good match to the
width of the absorption core, but had a peak separation greater than the one observed. We
investigated the effect of changing the spectral type by creating models using B8V and A0V
(i.e., the neighbouring) spectral types. These models displayed the same behaviour; it appears
that, in our models, there is no choice of n that can reproduce both the peak separation and the
absorption core width. Interestingly, at all n values and for all the spectral types, an i value of
either 83° or 84° was required in order to match the depth of the observation. Thus, while the
spectral type, n and (corresponding) ρ0 values all remain relatively uncertain, the inclination of
1 Del is confined to a very narrow range in our models.
Given that 1 Del is known for its stability, it is expected that it would be well-described
by VDD theory, and the value of n should be close to 3.5. As discussed above, our model
with n = 3.5 did not match the peak separation, but did reproduce the depth and width of the
absorption core. It also had a slightly lower χ2 value than the n = 2.0 model, which did match
the peak separation but had an absorption core that was too narrow. For all of these reasons,
we adopt a final best fit model of n = 3.5, ρ0 = 3.0 × 10−11 g cm−3 and i = 84°.
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Table 3.2. Best Fit Models
Model Parameters
HR HD Name Spectral Type Reference n ρ0 (g cm−3) i (°)
1180 23862 28 Tau, Pleione B8V 1 2.5 6.2×10−12 76
2343 45542 ν Gem B6V 2 2.0 1.6×10−12 77
5938 142926 4 Her B9V 3 3.5 6.7×10−11 67
6664 162732 88 Her B7V 4 3.5 2.3×10−10 79
7040 173370 4 Aql B8V 5 2.5 3.3×10−12 46
7836 195325 1 Del B9Va · · · 3.5 3.0×10−11 84
8053 200310 60 Cyg B1V 4,5 3.5 1.8×10−11 65
8260 205637 ǫ Cap B3V 6 3.0 1.7×10−11 80
aSee Section 3.5.8 for a discussion of the spectral type determination of 1 Del.
References. — (1) Abt & Levato (1978); (2) Cucchiaro et al. (1977); (3) Cowley (1972);
(4) Jaschek et al. (1980); (5) Slettebak (1982); (6) Levenhagen & Leister (2006).
3.6 Summary and Discussion
We have employed the use of a new code, Beray, to compute Hα emission profiles of Be
stars. The new profiles, computed from the same disk models that were created for Paper I,
were compared to our previous profiles, and in general there was good agreement between the
trends that arise from systematically varying the input parameters. In addition, the shapes (i.e.,
singly versus doubly peaked) of the profiles computed in the two different regimes also largely
agreed. Under the new treatment, however, the equivalent widths of the computed profiles, and
therefore the estimated amount of flux, are consistently lower than in the previous work. Still,
the main conclusions of Paper I stand: profile shapes are strongly dependent on the physical
conditions within the disk, and the profile shape alone cannot uniquely define the inclination
angle of the system.
We have also modelled shell spectra of eight well-known Be shell stars. In all cases, we
can simultaneously match the peak height and separation and the absorption depth and width
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of the observations. However, in nearly all cases, it was possible to do so with more than one
combination of initial density ρ0 and power-law index n. This finding emphasizes the need to
employ other kinds of observations to remove this degeneracy and better constrain the models.
For the shell stars of later spectral type (B6 and later), it was found that our models consis-
tently underestimated the amount of flux in the wings of the line. Our initial assumption was
that the derived spectral type for the targets was probably quite inaccurate, thereby leading to
an overestimation of the photospheric profile in our models. Increasing the spectral type of
the central star by two or even four subclasses improved the discrepancy found in the wings,
but did not fully resolve the issue. Therefore, it is probably the combined effects of incorrect
spectral typing and sources of scattering not included in our model (non-coherent electron scat-
tering and Stark broadening, both of which broaden the spectral line and contribute to extended
emission wings) that results in this discrepancy.
The values of the inclination angles determined by this modelling were of great interest.
Shell stars are generally considered to be Be stars viewed edge-on, and the expectation was
that most of our targets would be modelled at very close to 90 degrees. However, our highest
inclination angle value was 84°, which we obtained for 1 Del: a star whose central absorption
is markedly stronger than any of the other seven targets. Six of the eight targets were best
represented by models created between 65°and 80°, which is considerably lower than expected.
Finally, the case of 4 Aql is quite puzzling: we consistently found the observation could only
be fit by models created at a mid-inclination value of roughly 45°.
A remarkable result of our modelling was that the inclination angle required to fit the obser-
vation was relatively insensitive to any of the other variables in our model. Within the frame-
work of our models, it is almost entirely the effect of the inclination angle that dictates the
depth of the central absorption trough. Thus, despite using vastly different density structures
(i.e. different combinations of n and ρ0), we typically found that the i value stayed constant to
within a few degrees.
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Chapter 4
Investigating the Disk Density Structure of
the Be Shell Star 48 Librae
This chapter corresponds a portion of the work included in the article: J. Silaj, C.E. Jones,
A.C. Carciofi, C. Escolano, A.T. Okazaki and C. Tycner, Modelling the Cyclic Variability in
the Circumstellar Disk of the Be Shell Star 48 Librae, in preparation.
4.1 Introduction
48 Librae (HD 142983, HR 5941) is a bright (V ∼ 5) Be star that began to display shell
characteristics sometime between 1931 and 1935 (Faraggiana, 1969). Its spectral features had
already been studied and documented extensively by the mid-1960’s (see, e.g., the review by
Underhill 1966), but 48 Librae continues to be the subject of papers to the present day owing
to the fact that it possesses several characteristics that make it a particularly intriguing object
of study.
Be stars (sometimes referred to as Classical Be stars) are a well-studied class of objects con-
sisting of near main-sequence, rapidly-rotating, B-type stars that have shown Balmer emission
at some epoch. The emission lines that characterize their spectra have been shown conclu-
sively to originate in a thin, equatorial disk consisting of material that has been launched from
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the central star. Several recent studies have shown that these disks rotate in a Keplerian fashion
(see Meilland et al. 2007; Delaa et al. 2011; Kraus et al. 2012; Wheelwright et al. 2012).
The term “shell star” is reserved for a particular subset of Be stars whose spectra display
exceedingly narrow absorption cores superimposed on broad emission lines. They are under-
stood as ordinary Be stars viewed in an edge-on configuration; this provides a very simple and
natural explanation for their spectroscopic appearance, as the narrow absorption cores arise due
to the large optical depths that occur when viewing the disk through its densest part. Shell stars
in general are interesting objects to study because the uncertainty in their inclination angle is
largely eliminated.
In addition to being a shell star, 48 Librae displays a cyclic peak asymmetry, meaning that
its violet (V) and red (R) peak are usually of unequal height, and the peak heights vary smoothly
from configurations with V > R to V < R. Known as V/R variations, this behaviour is common
to about one-third of all Be stars, although 48 Lib possesses both a very strong maximum flux
and an unusually strong asymmetry in its Hα profile.
48 Lib has long been known as a V/R variable star, with the cycles in its Balmer emission
lines having a period of ∼10 years (see, e.g., Mennickent & Vogt 1988, and the many references
therein). A recent study of 48 Lib by ˇStefl et al. (2012) suggests that the V/R variations were
absent between 1995-1998, but that the cycle following that time appears to have a period of
∼17 years, i.e. significantly longer than previously observed ones. Furthermore, they found the
maximum value of V/R in the last cycle (V/R ≈ 2.2, which occurred in 2006) was greater than
the maximum in the previous activity cycle.
As V/R variations are thought to arise from a one-armed density wave precessing in the
disk (Okazaki, 1997; Carciofi et al., 2009), this implies that 48 Lib’s disk possesses a density
contrast which produces peaks of different heights in its Hα emission profiles. The large value
of V/R obtained in the last cycle suggests the density contrast is quite large.
48 Librae appears to be an isolated star, i.e. it has no known binary companion. Therefore,
its disk, which we infer to be quite dense from its large Hα flux, is also very likely to be quite
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extended, as there is no truncation due to a secondary star. This feature, combined with the
other aforementioned properties of the system, makes 48 Lib an intensely interesting subject
of study.
In this work, we use the HDUST code described in Carciofi & Bjorkman (2008, 2006) to
investigate both the average density and the density contrast in 48 Librae’s circumstellar disk.
The work is organized as follows: in Section 2, we provide an outline of the HDUST code and
its main assumptions, followed by a discussion of our models of the central star and the disk.
In Section 3, we provide the results of our analysis, and in Section 4, we give a summary and
discussion.
4.2 Theory and Models
HDUST is a Monte Carlo based, fully 3D, non-local thermodynamic equilibrium computer
code. It iteratively solves the coupled problems of radiative transfer, radiative equilibrium, and
statistical equilibrium to obtain the temperature structure and level populations for a gas of an
arbitrary density and velocity distribution.
The simulation proceeds by first emitting photons from a rotationally deformed, gravity
darkened central star. Each photon is tracked as it travels through the circumstellar disk until
the point that it eventually escapes. During its travel, the photon interacts (usually many times)
with the gas via scattering, or absorption and reemission. These three processes depend on the
gas opacity and emissivity, and we include both continuum processes and spectral lines in the
determination of these gas properties. In the case of scattering, the photon changes direction,
Doppler shifts, and becomes partially polarized. In the case of absorption, the photon is not
destroyed, but is reemitted locally with a new frequency and direction determined by the local
emissivity of the gas. Since photons are never destroyed, radiative equilibrium is automatically
enforced, and flux is conserved exactly. For a full discussion of the HDUST code, the interested
reader is referred to Carciofi & Bjorkman (2006, 2008).
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4.2.1 The Central Star
Consulting the literature, it was found that the spectral type classifications of 48 Lib are numer-
ous and varied. It has been classified as B3V by Underhill (1953), B5IIIp shell He-n by Lesh
(1968), B6 p shell by Molnar (1972), B4III by Jaschek et al. (1980), B3IV:e-shell by Slettebak
(1982), and as B3 shell by Jaschek & Jaschek (1992). Hence, we considered the spectral type
of the central star to be a free parameter in our modelling.
To translate a spectral type into physical measurements for the star, we consulted Harmanec
(1988) to first obtain the mass that bests corresponds to each numeric subclass. From Table 4
of the aforementioned work, the masses of a B3, B4, B5 and B6 star are 6.07, 5.12, 4.36, and
3.80 M⊙, respectively.
For each of these masses, we employed the Geneva stellar models of Georgy et al. (2013),
which are a set of evolutionary models specifically designed for rapidly rotating stars, to de-
termine the polar radius (Rpole) and luminosity (L∗) for each subtype. Apart from the mass, the
stellar evolution code requires only the metallicity and fractional rotation rate of the star in or-
der to calculate all other parameters. In all cases, we assumed a solar metallicity (Z⊙ = 0.014)
for our central star. The v sin i measurements of 48 Lib are remarkably homogeneous, with
most authors finding a value of 400 km s−1 (see, e.g., Slettebak et al. 1975; Slettebak 1982;
Ballereau et al. 1995; Brown & Verschueren 1997; Chauville et al. 2001; Abt et al. 2002), and
thus we set the fractional rotation rate Ω/Ωcrit = 0.90 in our models.
In the HDUST code, the star can be defined by its mass, rotation rate, polar radius, and
luminosity combined with just one other parameter – the gravity darkening exponent – to de-
scribe the star in a self consistent way. To select the best value for the gravity darkening
exponent (βGD), we consulted the work of Espinosa Lara & Rieutord (2012), who showed that
the standard von Zeipel law, Teff ∝ gβGDeff with βGD = 0.25 (von Zeipel, 1924), is only valid in
some cases, and that very rapidly rotating, isolated stars represent the strongest deviation from
this law. Interpolating from their Table 1, we obtain βGD = 0.17.
98 Chapter 4. The Circumstellar Disk of 48 Librae
4.2.2 Disk Structure
The disk is assumed to exist in the equatorial plane of the star, which is perpendicular to
its rotation axis. As per the standard convention, the angle i denotes the inclination to the
observer’s line of sight, with i = 0° corresponding to a pole-on orientation, and i = 90°
corresponding to an edge-on viewing of the circumstellar disk.
To quantify the densities required to reproduce each of the peak heights in the observed
Hα profile, we employed an ad hoc density structure with varying values of initial (number)
density at the stellar surface. It was assumed that the surface density of the disk decreases as an
n = 2.0 power-law with increasing radial distance r from the central star, i.e. Σ = Σ0(r/R∗)−n,
where Σ0 is an assumed initial surface density at r = R∗. The vertical structure of the disk is
described by a Gaussian density distribution,
ρ =
Σ(r)√
2π · H(r)e
−(1/2)(z/H(r))2 (4.1)
with a radial power-law for the disk scale height,
H(r) = H0(r/R∗)β. (4.2)
The radial exponent β, which is also known as the disk flaring parameter, was set to 3/2 in all
simulations. H0, the disk scale height, is given by
H0 =
a
vorb
· R∗, (4.3)
where vorb is the orbital velocity and
a =
√
kBT0
µ0mH
(4.4)
is the isothermal sound speed.
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In Equation 4.4, kB is the Boltzmann constant, µ0 is the mean molecular weight, and mH is
the mass of a hydrogen atom. T0 is the temperature used to set the vertical (isothermal) scale
height. We adopt T0 = 0.72Teff , where Teff is the effective temperature of the central star. We
note that using this prescription for the surface density and scale height is equivalent to setting
n = 3.5 in the expression ρ(r, 0) = ρ0(r/R∗)−n, which is another way that the density structure
of Be star disks is typically described.
Finally, the disk is assumed to be composed entirely of hydrogen, and its velocity structure
is assumed to be Keplerian rotation.
4.3 Results
4.3.1 The SED
The observed parallax of 48 Lib is 6.97 ± 0.24 mas (van Leeuwen, 2007), which translates to
a distance d = 143 +5−10 pc. Using the standard flux-luminosity relation and fitting the models of
different spectral types to the SED, we find that the observed fluxes are best reproduced by a
model with a B3V central star and a disk of number density n0 = 1.05×1014 cm−3 at the stellar
surface (Figure 4.1). We note that this initial number density represents only the average initial
disk density, i.e. for the purposes of modelling the SED, we employ an axisymmetric disk. The
axisymmetric initial disk density was determined by modelling the individual peak heights of
the Hα profile shown in Figure 4.3, and then averaging the two values. The Hα observation
and its modelling procedure are discussed further in Section 4.3.3.
The spectral type of the central star is determined mainly from examining the UV fluxes
and fluxes in the visible portion of the SED; stars of spectral types later than B3 were simply
not luminous enough to match the observed flux levels, while evolved stars (luminosity classes
IV and III) of all spectral types were too luminous to match the observations.
As previously alluded to, the fitting of the SED requires both the spectral type of the central
star and the average disk density simultaneously, since the UV and visible flux levels suffer
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Figure 4.1 SED of 48 Librae. Filled circles represent measured fluxes (dereddened) obtained
with various instruments, as indicated in the legend. The solid line represents the model created
for a B3V star with a disk of initial number density n0 = 1.05 × 1014 cm−3 oriented at 85°.
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extinction due to the presence of a disk, but the IR excess arises from the presence of the disk,
and the two features cannot be disentangled. A B3V central star with a disk whose average
density was obtained by modelling the Hα profile peak heights matches the UV (IUE data) and
visible portion (Stro¨mgren ubvy, Johnson UBV , and Tycho data) of the SED exceedingly well.
The Balmer jump at λ = 3646Å is well matched by a model oriented at 85°, which is further
supported by the polarization measurements (see next section). The only data point not well
matched in this portion of the SED is the Stro¨mgren u flux at λ ≈ 3500Å. We note, however,
that this measurement appears to be anomalous, as the Johnson U measurement is also centered
on λ ≈ 3500Å but corresponds to a much higher flux value that is very well matched by our
model.
The infrared portion of the SED merits some discussion. In the near IR (Tycho data),
the assumed average disk density again fits the observations remarkably well. In the far IR
(WISE, Akari, and IRAS data) however, there is a noticeable discrepancy between the model
and the observed data points. We note that the IRAS data points at 60 and 100 microns are
only upper limits to the fluxes at those wavelengths (Waters et al., 1987) and should not be
given much weight in determining the best disk density. The IRAS measurements at 12 and
25 microns, in addition to the WISE and Akari data points, however, all suggest that a greater
disk density at large r is necessary in order to reproduce the observed flux. This may indicate
that approximating the radial density structure of the disk as a power-law is not adequate to
reproduce this portion of the SED.
48 Librae is one of only a handful of Be stars to have a radio (APEX data) measurement.
The APEX measurement is of particular interest because it is well-matched by the model of
average disk density and it falls more or less in line with the other data points in the SED. This
is in direct contrast to what is normally observed in Be stars, i.e. a strong steepening of the SED
at the far IR and radio wavelengths. The clear lack of steepening in this portion of the SED
indicates that the disk of 48 Librae is highly extended, which is congruent with the fact that
48 Librae appears to be an isolated Be star and therefore does not experience disk truncation
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by a companion.
4.3.2 Polarization
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Figure 4.2 Left panel: continuum linear polarization measurements shown with models created
at different inclination angles. Right panel: Averaged continuum linear polarization measure-
ments shown with the best-fit model.
As shown in Carciofi et al. (2009), the continuum linear polarization levels provide a strong
constraint on the inclination angle i of the star+disk system. The left panel of Figure 4.2 shows
polarization measurements at λ = 4450, 5510, 6580, and 8060 Å taken at four different times
(see figure legend for dates), all within the most recent V/R cycle. The predicted polarization
levels are shown for four different inclination angles: 70°, 80°, 85°, and 90°. Of these four
inclination angles, the best fit to the data is provided by i = 85°. Since one of the aims of
this work is to reproduce the average disk properties, the right panel of Figure 4.2 shows the
average of the polarization measurements, again with the best-fit model at i = 85°. In these
plots, it should be noted that the strong depolarization in the model near λ = 6580 Å is caused
by the Hα line at λ = 6563 Å, and should not be confused with the continuum linear polarization
measurement.
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Figure 4.3 Hα profile of 48 Librae. The observed profile, shown in the dashed line, has each of
its peaks matched individually by symmetric disk models of initial number density as specified
in the legend.
4.3.3 The Hα Profile
The Hα profile shown in Figure 4.3 was obtained 2005-04-01. The violet peak has F/Fc ≈ 5.2
while the red peak has F/Fc ≈ 2.5, yielding a V/R value of ≈ 2.1, which is very close to the
maximum value of V/R reported in 2006. This indicates that, at the time of the observation,
48 Lib’s disk is oriented such that the over-dense region is moving towards the observer almost
in its entirely, while the under-dense region is receding from the observer.
To quantify the densities required to produce each peak height, we model them separately.
The violet peak height is best represented by a model with an initial number density n0 =
1.3×1014 cm−3, and the red peak height is reproduced by a model with an initial number density
n0 = 8.0×1013 cm−3. Averaging the two densities, we obtain n0 = 1.05×1014 cm−3. The number
densities (n0) may be translated to mass densities (ρ0) by assuming that the mean molecular
weight of the gas is µ0 = 0.6, which is typical for an ionized gas of solar chemical composition.
This yields values of ρ0 = 1.3×10−10 g cm−3, 8.0×10−11 g cm−3, and 1.1×10−10 g cm−3 for the
violet peak initial density, red peak initial density, and average initial disk density, respectively.
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We note that the average initial disk density we have obtained is likely only a lower limit on
the average initial density, as the modelling of Hα profile reveals a significant discrepancy in the
wings of the emission profile. This is particularly true for the red emission wing. The material
closest to the stellar surface, which is orbiting the star with the greatest velocity and therefore
displays the greatest wavelength shift, is responsible for producing the emission wings. Since
the observed flux in this region is not well matched by our model, it implies there is actually
more material close to the central star than we have accounted for. Adjusting our model to
account for this additional material would necessarily lead to a higher average initial disk
density.
4.4 Summary and Discussion
By examining and modelling several key observables simultaneously, we obtain a remarkably
self-consistent description of 48 Librae and its dense, extended circumstellar disk. Our final
stellar and disk parameters are summarized in Table 4.1.
One of the first goals of this work was to model the SED of 48 Librae in order to conclu-
sively determine the star’s spectral type, as the photoionizing radiation provided by the central
star will affect all other aspects of the model. The SED, however, cannot be modelled neglect-
ing the disk. Thus, the role of the Hα profile was of paramount importance in this work, as it
provided the main way in which the average initial density of the disk was determined.
We determined that a star of spectral type B3V surrounded by a disk of average initial
density ρ0 = 1.1 × 10−10 g cm−3 reproduced most of the SED, i.e. the UV, visible, near IR and
radio flux measurements. The discrepancy in the far IR suggests either that the model is not
dense enough, or that a radial power-law description of the density structure is not adequate.
Returning to the modelling of the Hα profile, it can reasonably be argued that the discrepancy
in the wings of the emission line suggests something very similar.
The modelling of the SED also gives an indication of the inclination of the system. For a
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Table 4.1. Adopted Stellar and Disk Parameters of 48 Librae
Parameter Value Ref.
Stellar Parameters
Spectral Type B3V 1,2
M∗ 6.07M⊙ 3
Rpole 2.70R⊙ 4
L∗ 948L⊙ 4
βGD 0.17 5
Disk Parameters
ρ0,V 1.3 ×10−10 g cm−3 1
ρ0,R 8.0 ×10−11 g cm−3 1
ρ0,avg 1.1 ×10−10 g cm−3 1
Geometrical Parameters
i 85° 1
d 143 pc 6
References. — (1) this work; (2) Un-
derhill (1953); (3) Harmanec (1988);
(4) Georgy et al. (2013); (5) Espinosa
Lara & Rieutord (2012); (6) van Leeuwen
(2007).
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given disk density distribution, the adopted inclination of the model will affect the size of the
Balmer jump at λ = 3646Å. The SED was best fit by models oriented at 85°, and this i was
then confirmed by examining the polarization levels. This finding supports the hypothesis that
shell stars are Be stars viewed in a nearly edge-on configuration.
The values of the densities obtained in this work are of some interest, as they are all con-
sidered to be quite high. This suggests 48 Lib’s disk is unusually dense, which is consistent
with its very large flux in Hα. The density contrast in the two regions responsible for the violet
and red Hα emission peaks is also remarkable. Our analysis implies that the over-dense region
is more than 1.6 times as dense as the under-dense region (at the stellar surface).
One further interesting result of this work is the observed radio flux of 48 Librae. In contrast
to many other Be stars, whose radio measurements are one to two orders of magnitude lower
(Carciofi, priv. comm., 2014), 48 Librae’s radio measurement implies an extremely extended
disk, perhaps extending as far as several hundred stellar radii. This finding is consistent with
48 Librae being an isolated Be star.
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Chapter 5
Conclusions
5.1 Introduction
The appearance of a strong emission line at Hα in the spectra of some B-type stars was among
the first observational features that distinguished what are now known as Be stars from normal
or ordinary B-type stars. Be stars can also have emission in higher-order Balmer series mem-
bers, He i lines, and some metal lines, but the emission at Hα is typically the strongest emission
feature that they display, and having Hα emission at some epoch is still considered the defining
observational characteristic of these stars.
Although it was speculated since the 1930’s (see, e.g., Struve 1931) that the gas surrounding
a Be star is arranged in a thin, equatorial disk, it was only fairly recently that this was shown
conclusively to be the case. The continuum linear polarization that Be stars exhibit and the
different shapes of the Hα profiles formerly served as strong indicators that Be stars had this
disk geometry, but the advent of applying interferometric techniques to these stars in the mid-
to-late nineties is largely responsible for proving beyond any doubt that the gas is arranged in
this manner (see, e.g. Dougherty & Taylor 1992; Quirrenbach et al. 1993; Stee et al. 1995;
Quirrenbach et al. 1997; Tycner et al. 2005; Stee 2011).
Hα emission has been shown to arise from an extended region in the circumstellar disk
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spanning from about five to 15, or even 20, stellar radii (Rivinius et al., 2013). Thus, modelling
the Hα emission profile determines the average disk properties in this large region and therefore
provides a good indication of the global disk properties; this is in marked contrast to some
other features, such as the metallic emission lines, which only originate from a small volume
of the disk. In this thesis, we present three projects that all employ and examine the diagnostic
potential of the Hα emission line.
5.2 Summary
In the Chapter 2 of this thesis, we investigated the possible role of line-driven winds in remov-
ing material from the central star and forming an equatorial disk, and we used the presence or
absence of Hα emission as a criterion for determining the extent of the involvement. This work
was motivated by the discovery of a new family of solutions—the Ω-slow solutions (Cure´,
2004)—that are characterized by much higher mass-loss rates and slower terminal velocities
than the solutions found in the original CAK theory, which was developed for non-rotating
stars. Additionally, the Ω-slow solutions were shown to be the only solutions that can exist
once a star’s rotation surpasses ∼ 75% of its critical rotation.
We adopted a strategy of comparing the 1D equatorial density that results from the wind
solutions to the typical ad hoc equatorial densities that are often assumed for Be star disks (i.e.,
a power-law fall off of the density with increasing radial distance from the star), and we began
our investigation from the line-force parameters of Abbott (1982). Although we found that
the mass-loss rate and terminal velocity determined from these parameters were approximately
correct for a Be star, we showed that this solution does not produce a disk with sufficient density
to cause Hα emission. However, recalling that the line-force parameters of Abbott (1982)
were determined from the original CAK theory and may not be appropriate for the Ω-slow
solutions, we systematically varied the line force parameters to determine what values would
remove sufficient material from the central star to cause emission. It was found that various
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combinations of line-force parameters can produce detectable Hα emission in our models. We
conclude that even if line-driven winds are not the sole mechanism in disk formation, they may
be contributing a non-negligible amount of material to the equatorial regions.
In Chapter 3, we undertook detailed modelling of the Hα emission profile of eight well-
known Be shell stars. Spectroscopically, Be shell stars differ from ordinary Be stars in that they
exhibit sharp, narrow absorption cores superimposed on their strongly rotationally-broadened
Hα emission profiles. (Other emission lines in their spectra may display this behaviour as well,
but in this project we limit ourselves to discussion of the Hα profile.) The general consensus
in the Be star community is that shell stars are not fundamentally different from Be stars in
terms of the physical conditions in their disks, but that they are Be stars viewed in an edge-on
configuration, which provides a simple and natural explanation for the sharp absorption cores
in their spectra.
In this work, we showed that the peak height and separation and the absorption core width
of our models are all primarily determined by the adopted density structure of the disk. How-
ever, because ρ0 and n are two parameters that both affect the density structure, there is some
degeneracy in the models, and in several cases, more than one combination of these param-
eters can adequately reproduce the observation. This finding serves to illustrate that while
modelling the Hα profile can provide information on the disk structure, the simultaneous mod-
elling of other observables may be necessary to better constrain the models. Our investigation
revealed that the inclination angle i of the adopted model was the main factor governing the
absorption depth of the model, and that this aspect of the model was only weakly dependent
on the choice of density structure for the disk. Thus, we were able to determine the inclination
angles of all eight targets to within a few degrees, and our primary finding from this study is
that the shell stars do seem to be oriented at very high inclination angles, but not necessarily as
close to 90° as originally expected.
In Chapter 4, we performed a thorough study of the Be shell star 48 Librae using the
HDUST code. Our modelling began by constructing a SED for 48 Lib that spanned from the
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far UV to radio wavelengths. By matching the individual peak heights in the Hα emission
profile, we obtained an estimate of average density in the disk. This average disk density was
then combined with the spectral type of the central star to reproduce the SED. We determined
that 48 Lib is best represented by a B3V star surrounded by a disk with an average density of
2.1 × 10−10g cm−3. Modelling the SED also indicated that the star+disk system is oriented at
85°, and this was confirmed by modelling the polarization measurements.
This work demonstrated the powerful diagnostic capabilities of the Hα emission profile,
especially when it is combined with other observables to constrain model parameters. The
simple approach of modelling the two peak heights in the Hα emission profile to obtain an
average disk density proved remarkably effective in reproducing the SED and polarization
measurements. Furthermore, the modelling of each individual Hα peak provides an indication
of the density structure within the disk. It was found that the density contrast within the disk is
significant, with the strong peak forming in a region with a density more than 1.6 times greater
than the region in which the weak peak forms.
5.3 Final Remarks
In the first of the three projects presented in this thesis, we re-examine line-driven winds in
the context of Be stars. Although there have been many attempts to apply line-driven winds
to Be stars, our approach is fundamentally different owing to the fact that we are using a new
family of solutions that was previously unknown. Our early results are encouraging; we find
that a significant amount of material can be removed from the central star in this manner (for
certain combinations of line force parameters), and that our models do not suffer from the huge
expansion velocities that plagued earlier models based on line-driven winds. It is our hope that
our results may spark a renewed interest in investigating the possible role of line-driven winds
in Be stars.
The two other projects presented in this thesis focus on modelling the observed Hα emission
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from specific targets. There is a long history of modelling the Hα line in Be star research, but
many of the early models were too simplistic to allow for the proper interpretation of the
profiles. Only recently have we had the computing power to make running sophisticated disk
models a feasible venture. With a new generation of computer codes that run more realistic
simulations than ever before, we are beginning to fully understand the diagnostic potential of
the Hα profile and, very importantly, its limitations. It does appear that in order to uniquely
specify the physical conditions of the Be star+disk system, the simultaneous fitting of several
observables is nearly always necessary. It was demonstrated in Chapter 3 that usually several
models of varying density structures can adequately reproduce a single observed Hα emission
line profile. In Chapter 4, however, it was demonstrated that by employing even just a few
other observables, the models can be well-constrained and the Hα profile plays a key role in
obtaining a self-consistent description of the Be star.
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